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Abstract. The magnetic field of the Sun is the underlying cause of the many diverse
phenomena combined under the heading of solar activity. Here we describe the magnetic field
as it threads its way from the bottom of the convection zone, where it is built up by the solar
dynamo, to the solar surface, where it manifests itself in the form of sunspots and faculae,
and beyond into the outer solar atmosphere and, finally, into the heliosphere. On the way it,
transports energy from the surface and the subsurface layers into the solar corona, where it
heats the gas and accelerates the solar wind.

1. Introduction

After 5 billion years, the Sun is still popping and boiling, unable to settle
down into the decadent middle age that simple theoretical considerations
would suggest. (...) It appears that the radical element for the continuing
thread of cosmic unrest is the magnetic field.
(E.N. Parker, Cosmical Magnetic Fields, 1979)

What Eugene Parker [1] wrote for the Universe is certainly true for the Sun. In
the absence of a magnetic field, the Sun would be a considerably simpler object: it
would show only minor deviations from spherical symmetry due to differential rotation
and meridional circulation, while convection and the oscillations and waves that it
excites would provide some background noise. Although these processes themselves
provide a rich field of study, they pale in comparison with the overwhelming variety
of phenomena and processes existing and acting on the real Sun. Without a magnetic
field, phenomena as diverse as sunspots and coronal loops, faculae and solar flares, the
solar wind and prominences, the solar cycle and irradiance variability, to name but a
few, would be unknown to us.

It is therefore not surprising that the magnetic field holds a central position
within solar research, although this is sometimes masked by the fact that the indirect
manifestations of the Sun’s field (e.g. the relatively cool gas within sunspots or the very
hot gas in the corona) are much easier to detect than the magnetic field itself. Direct
in-situ measurements of the Sun’s magnetic field are restricted to locations accessible
to spacecraft, i.e. up to now to distances greater than 60 R� (sampled by the Helios
space probes [2, 3]). Only a small fraction of the Sun’s total magnetic flux reaches out
to this distance. We therefore rely on remote sensing in order to detect more than just
the tip of the proverbial iceberg. The magnetic field near the solar surface is usually
measured using the Zeeman effect, which is best observed in spectral lines formed
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The solar magnetic field 2

in the solar photosphere. Although observations based on cyclotron resonance, the
Hanle effect and Faraday rotation, as well as the recording of the Zeeman effect in non-
photospheric spectral lines are becoming increasingly important, the vast majority of
all recordings of the magnetic field still refer to measurements of the Zeeman effect in
the photosphere.

Hence the photospheric magnetic configuration of, e.g., sunspots is known with
considerable accuracy, while our knowledge of the strength and structure of the
magnetic field in the corona owes as much to the extrapolation (using potential or
force-free fields) from photospheric measurements and the use of proxies (e.g., EUV
images of coronal loops) as to direct measurement. This is extremely unfortunate since
the magnetic field plays a comparatively minor role in the photosphere, but completely
dominates proceedings in the corona. The absence of sensitive and high-resolution
coronal magnetic field measurements may be the largest single factor blocking progress
in coronal physics and frustrating our attempts to answer questions related to coronal
heating, the triggering of flares and coronal mass ejections, as well as the acceleration
of the fast and slow solar wind.

Our conception of the Sun’s magnetic field is a prototype for the magnetism
of other cool stars. Many of these very common stars show signs of magnetic
activity, such as X-ray and EUV emission typical of stellar coronae, or the brightness
modulations due to the passage of starspots across the stellar disc [4]. The sum of
all cool stars in the solar neighborhood can supply information on the generation
and manifestation of stellar magnetic fields which cannot be obtained from the Sun
alone, so that their investigation indirectly provides an enrichment of our knowledge
of the Sun. Examples are the dependence of activity level, of the surface magnetic flux
and activity cycle parameters or of starspot latitudes on stellar rotation rate, mass
and evolutionary state. The investigation of stellar magnetism is, however, strongly
hampered by the inability to resolve stellar surfaces at the spatial scales at which
many of the physical processes take place, not withstanding the success of techniques
such as (Zeeman) Doppler imaging [5, 6, 7]. For example, it is estimated that Doppler
imaging resolves only a small fraction of the starspots on active stars [8]. Only on the
Sun do we (nearly) achieve the necessary spatial resolution to get at the heart of the
physics. Thus it is not surprising that both physical mechanisms proposed to explain
the presence of high-latitude spots on rapid rotators [9, 10] are extrapolations to the
relevant stellar parameters of mechanisms known to act on the Sun. Magnetically
driven processes occur also in systems such as accretion disks around evolved stars or
supermassive black holes at the centres of galaxies and other astrophysical systems.
Once more, the Sun provides access to similar processes at the fine spatial scales at
which many of them occur.

In addition to being a normal star the Sun is also the central star of the solar
system and the main source of energy for the Earth. The magnetically variable Sun
can influence the Earth in multiple ways. Changes in the radiative output of the Sun
affect the Earth’s energy balance and influence stratospheric chemistry. The cyclic
variations of the Sun’s open magnetic flux modulates the cosmic ray flux reaching the
Earth. These and other solar variables have been proposed as drivers of global climate
change. The evidence for such an influence is increasing [11, 12]. In addition, coronal
mass ejections, large eruptions that fling coronal gas into interplanetary space, inject
particles and energy into the magnetosphere, ionosphere and upper atmosphere. There
they produce aurorae, substorms and other phenomena combined under the heading of
space weather. Since all the relevant solar phenomena (e.g. irradiance variations and
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The solar magnetic field 3

coronal mass ejections) are magnetically driven, a better understanding of Sun-Earth
relations also requires a good knowledge of the Sun’s magnetic field and its evolution
on timescales from minutes to millenia.

Finally, the Sun’s magnetic field and in particular its interaction with solar
convection and rotation also presents a variety of problems of basic physical
interest (e.g., self-excited dynamos, magnetoconvection, interaction of radiation with
magnetized gas, magnetic reconnection). Indeed, in a diagram of the location of
laboratory and natural plasmas in the n-T plane (where n is the particle density and
T the temperature) the plasma in the solar core, corona and heliosphere occupies
parameter regimes that other plasmas in the laboratory or elsewhere in the solar
system do not. Thus, the Sun is a unique laboratory of magnetized plasmas.

This review is aimed both at the young solar researcher entering the field, as well
as physicists working in other, possibly related fields. We have reduced mathematical
descriptions to a minimum and have not aimed at completeness in the references. The
review is structured as follows. We start by giving a very brief overview of the Sun’s
magnetic field and introducing a few relevant parameters (Sect. 2). This is followed
by a description of the large scale structure of the field and the solar cycle (Sect. 3).
After that, the physics of the solar magnetic field is described step by step. We start
in the solar interior (Sect. 4), discuss the dynamo (Sect. 5), and then move upward
to the solar photosphere (Sects. 6 and 7), for which the largest amount of empirical
data is available. Proceeding further outward, we discuss the magnetic structure of
the solar corona (Sect. 8) and end in the heliosphere (Sect. 9).

2. Overview and basic considerations

A dynamo mechanism operating in the lower part of the solar convection zone is
generally considered to be the source of the Sun’s magnetic field. Current models
(see Sec. 5) place the dynamo at the interface between the convection zone and the
radiative core, a layer marked by convective overshooting and a strong radial shear
in the Sun’s differential rotation. Strands of strong azimuthal (toroidal) magnetic
field generated by the dynamo break out from the overshoot layer owing to magnetic
buoyancy and related instabilities, rise through the convection zone and emerge at
the visible solar surface in the form of bipolar magnetic regions, finally forming loop
structures whose tops usually lie in the corona. The locations where the legs of a
loop intersect the solar surface are visible as either sunspots or faculae. Higher in the
atmosphere, in the chromosphere, the latter appear as bright plages. The upper layers
of a loop radiate at EUV and X-ray wavelengths.

The structure of the field and its properties undergo a remarkable transition with
height. In the photosphere the field is highly filamented. Most of the magnetic energy
resides in magnetic flux tubes, concentrations of magnetic field that can be roughly
described as bundles of nearly parallel field lines with a relatively sharp boundary,
although these cover less than 5% of the solar surface. The flux tubes visible at the
surface range from the very small and bright (magnetic elements) to the very large and
dark (sunspots). The strength of the flux tube fields at the solar surface is remarkably
homogeneous, however, being around 1–2 kG† when averaged over their cross sections.

† Throughout this review, we write all equations according to the SI unit system. However, when
giving values of the magnetic field strength and the magnetic flux, we mostly follow the practice
in the astrophysical literature and use cgs units. The relationship between both systems of units
is: 1 Tesla = 104 Gauss (magnetic flux density) and 1 Weber = 108 Maxwell (magnetic flux).
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The solar magnetic field 4

Owing to the pressure exerted by the magnetic field, radial force balance across the
tube boundary implies that the flux tubes are strongly evacuated. This evacuation
leads to considerable buoyancy, which ensures that, on average, the magnetic field
remains nearly vertical.

Because of the evacuation, the plasma β (= 2µ0p/B
2) at the solar surface is in

the range 0.2–0.4, if the gas pressure p is taken within a flux tube. Thus, locally the
magnetic energy density can exceed the thermal energy density, although, because of
the small area coverage by strong fields, globally most of the energy is in the form of
the thermal energy of the gas. Below the solar surface the plasma β increases rapidly
with depth, reaching values estimated to be 105 or higher near the bottom of the
convection zone.

Another relevant ratio is that of magnetic to kinetic energy density, B2/µ0ρv
2,

which indicates whether the magnetic field locally dominates the bulk motions or vice
versa. Taking values for velocity, v, and density, ρ, typical of the surface convection
(granulation) and B typical of the flux tubes, one obtains a value of the order of 10
(while it can become of order unity for the supersonic peaks of the granular flow).
Globally, the energy in the granulation is of the same order of magnitude as the
energy in the magnetic field. In the convection zone, the value of B2/µ0ρv

2 is more
uncertain, but there are indications for values significantly above unity in intense flux
tubes located in the lower convection zone.

The situation changes rapidly as one moves higher into the atmosphere. Initially,
both the gas pressure and the field strength decrease exponentially with height, so that
β remains approximately constant, but above a certain height, which typically lies in
the chromosphere, the expanding magnetic flux tubes fill the whole volume. Beyond
this height, the field strength drops more sedately, although still with a large negative
power of r (the radial distance from the solar center). It drops much more rapidly
than a locally monopolar (∝ r−2) or dipolar (∝ r−3) configuration. This comes from
the fact that, in addition to the increasing volume available to be filled, the field lines
loop back to the solar surface. Hence, with increasing r one moves beyond the tops
of an increasing number of loops. Alternatively, the magnetic field in the corona, if
described as a linear combination of multipoles, requires that very high orders are
included, which drop with a correspondingly high power of r. Nonetheless, the gas
pressure and density drop even more rapidly with height than the field (exponential
vs. power law decrease). Consequently, we have β � 1 and B2/µ0ρv

2 � 1 in the
corona, so that the energetics and dynamics are dominated by the magnetic field.

As a consequence of these conditions, the magnetic Lorentz force cannot be
balanced by any other force, so that the coronal magnetic field has to arrange itself
into a force-free configuration, which is rather homogeneous in strength (compared to
the photosphere or convection zone), but not so in direction. Owing to the presence
of loops reaching up to different altitudes, all values of the field inclination can be
found at a given height in the corona, so that the situation is exactly the opposite to
the photosphere, where the field is inhomogeneous in strength, but mainly vertically
oriented.

At r & 2–3 R�, most of the remaining field lines are ‘open’, i.e., they reach
out into the heliosphere. Only a small fraction (a few percent) of the total flux that
emerges from the solar surface is in the form of such open field lines. Finally, even
further out, in the regime of the solar wind the relative importance of the various
energy densities changes again, with ρv2/2 > B2/2µ0 > P beyond the point where
the kinetic energy density of the solar wind equals the magnetic energy density (the
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The solar magnetic field 5

Alfvén radius). This point is located 10–20 R� from the solar surface, for the fast and
slow wind, respectively. The kinetic energy of the solar wind dominates and forces the
magnetic field lines to follow the radially directed wind. In combination with solar
rotation this results in a spiral pattern of the magnetic field.

3. Large-scale structure and solar cycle

While the solar magnetic field is strongly structured down to scales at the limit of
observational resolution, it shows, at the same time, a remarkable degree of large-scale
spatio-temporal order and organization. Properties of the bipolar magnetic regions
on the solar surface (like their mean emergence latitude and the spatial orientation
of their polarities) and the direction of the global dipole field vary systematically in
the course of the solar activity cycle. Magnetic flux is organized in network structures
defined by convection patterns and becomes globally redistributed by large-scale flows.

3.1. Flux distribution on the solar surface

Maps of the magnetic field on the visible solar surface (the thin layer where the
solar plasma becomes transparent for light in the visible wavelength range) displays
structures on a wide range of scales. During periods of high solar activity, large bipolar
magnetic regions indicate the locations of recent magnetic flux emergence from the
deep solar interior (see Figure 1, left panel). Large areas of apparently unipolar field
result from the decay and spread of the bipolar regions. During most of the time, such
unipolar regions can be found around the solar poles; they define the global dipole
component of the solar magnetic field, which is roughly aligned with the rotation axis
during most of the time.

3.1.1. Bipolar regions. Magnetic flux appears at the solar surface in the form of
bipolar magnetic regions with a wide range of values for the (unsigned) magnetic flux
and lifetimes [13, 14]. While the largest active regions reach fluxes of nearly 1023 Mx
(1015 Wb) and lifetimes of months, the smallest ephemeral regions contain less than
1019 Mx and live less than a day before their magnetic flux cancels or merges with the
pre-existing background flux. Large bipolar regions form conspicuous sunspot groups
while the smaller regions can only be detected through magnetic field measurements.

Figure 2 shows that the emergence rate of bipolar regions as a function of flux
(or size) roughly follows a power law, which possibly extends down to the ephemeral
regions, indicating a common origin of all emerging flux. On the other hand, the
variation of the emergence rate in the course of the solar cycle is different: large active
regions vary by about a factor 8, while ephemeral regions hardly vary at all and may
actually show a slight variation in antiphase [14].

Bipolar active regions exhibit a number of systematic properties, providing
information on the magnetic structure of the source region near the bottom of the
convection zone from where the surface flux emerges (see Sect. 3.2.2). Active regions
(a) are generally orientated roughly in the East-West direction, (b) are systematically
tilted in latitude, (c) appear only in low and middle latitudes (below 45 degrees), (d)
show different proper motions of the two opposite-polarity patches with respect to the
surrounding plasma. During and shortly after their emergence at the surface, these
properties are displayed by the bipolar regions in a statistical sense; smaller regions
show a larger scatter [14, 4].
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The solar magnetic field 6

Figure 1. Distribution of magnetic flux in the visible solar surface layers. The circular
polarization of a spectral line due to the Zeeman effect serves as a quantitative measure of
magnetic flux. Black and white indicate positive and negative magnetic polarity, respectively,
while grey signifies low magnetic flux levels. Left: Magnetic image of the visible hemisphere
on July 31, 2000, near the maximum of the current activity cycle. The map is dominated by
large bipolar magnetic regions and extended unipolar domains. The Sun rotates from left to
right. Right: Close-up of a decaying bipolar region of about 400 × 400 Mm2 size, showing the
network structure outlining the convective flow pattern of supergranulation (Images taken with
the Michelson Doppler Imager (MDI) on board the Solar and Heliospheric Observer (SOHO),
a joint ESA/NASA mission).

3.1.2. Magnetic network. The relative importance of induction versus diffusion
effects in the temporal evolution of the magnetic field in a plasma with bulk flow
is described by the magnetic Reynolds number, Rm = U L/η, where U is a typical flow
velocity, L the length scale of the flow, and η is the magnetic diffusivity (inversely
proportional to the electrical conductivity). For all relevant flow patterns in the Sun we
have Rm � 1, so that the magnetic field evolution is governed by induction, with the
magnetic field lines being fixed to the fluid elements (Alfvén’s theorem, ‘flux freezing’
[15]). As a consequence, the magnetic flux distribution at the solar surface reflects
the dominant patterns of convection: magnetic flux is transported by the horizontal
flows to the convective down drafts and forms a network pattern on both the scales of
granulation (the dominant scale of convective energy transport with L ' 1 − 2 Mm,
see Sect. 7) and supergranulation (L ' 30 Mm, see Figure 1, right panel).

3.1.3. Magnetic flux transport. The dominance of induction effects has the
consequence that the evolution of the magnetic flux through the solar surface after
its emergence is largely governed by the large-scale velocity fields. These are (a)
differential rotation (the equator rotating about 30% faster than the polar regions),
(b) a meridional flow of about 10–25 m s−1 from the equator towards the poles, and (c)
supergranulation. At large length scales, the effect of the latter can be described by a
random-walk process with an effective (‘turbulent’) magnetic diffusivity of the order
of 5 108 m2 s−1 [16]. The main consequences of this transport of magnetic flux on the
solar surface are: (a) the spreading of bipolar regions in time, (b) the development of
quasi-rigidly rotating magnetic patterns, and (c) the transport of magnetic flux to the
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The solar magnetic field 7

Figure 2. Emergence rate of bipolar regions per (unsigned) flux interval of 1018 Mx. The
dark grey band shows the distribution for larger regions (AR: active regions [13]); the variation
by about a factor of 8 through a typical activity cycle is indicated by the width of the band.
The variation for the smallest ephemeral regions (ER) is much smaller and possibly in antiphase
with the sunspot cycle (dark shading); full histograms are shown for 1997 October (black, solar
minimum) and 2000 August (gray, solar maximum). The turnover below 1018 Mx reflects the
detection threshold of the instrument. The lightly shaded area between the smallest ephemeral
regions and the active regions is conjectural (from [14]).

poles. In connection with the tilt of the bipolar region with respect to the East-West
direction (see Sect. 3.2.2) the latter process leads to reversals of the polar fields: the
westward polarity patch of a bipolar region is at somewhat lower latitudes and thus
preferentially cancels with its opposite-polarity counterparts on the other hemisphere,
so that a net flux of eastward polarity is transported to the poles by the meridional
flow.

The observed evolution of the large-scale solar magnetic field on a time scale of
months to years, including the polarity reversals of the polar fields, is remarkably well
reproduced by two-dimensional flux-transport models [17, 18, 19, 20], which describe
the passive transport of a purely vertical (radial) magnetic field by differential rotation,
meridional flow, and turbulent diffusion. The input required for this kind of models is
the temporal and spatial distribution of magnetic flux emergence in bipolar magnetic
regions. The results indicate that the evolution of the observable magnetic flux after
emergence is largely a surface phenomenon, so that inferences about the generation
of magnetic flux and the dynamo in the solar interior can only be drawn from the
properties of bipolar regions in their early phases.

3.2. The 11(22)-year cycle

The magnetic activity of the Sun, as most apparent by the coming and going of dark
sunspots (strongly magnetized regions on the visible surface, see Sect. 6) and the
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The solar magnetic field 8

Figure 3. The record of yearly averaged group sunspot numbers [21]. Besides the dominant
11-year cycle, there is a long-term modulation of sunspot activity with extended periods of
almost vanishing sunspots (1640-1700, Maunder minimum) or rather few sunspots (1800-1820,
Dalton minimum).

eruptive phenomena in the upper atmosphere and corona of the Sun, shows a cyclic
(but not strictly periodic) variation with a mean period of about 11 years. There is a
remarkable degree of regularity in the large-scale properties of this solar cycle, which
underlies the seemingly random appearance and evolution of the magnetic features in
the turbulent surface layers of the Sun. The systematic reversals of the polar magnetic
fields and the polarity orientation of sunspot groups show that a complete magnetic
cycle covers two 11-year activity cycles.

3.2.1. Sunspot numbers. The longest systematic direct record of solar activity is the
series of sunspot numbers, which starts soon after the invention of the telescope in
the beginning of the 17th century. By compilation of the records of many observers it
was possible to derive a series of sunspot numbers which reaches back to 1611 [21].

Figure 3 shows the existing record of (yearly averaged) sunspot numbers. While
the 11-year cycle is obvious, there is also a modulation of the sunspot activity on longer
time scales. Most remarkable is the second half of the 17th century (the Maunder
minimum [25]), when sunspots were almost completely absent. We now know that
this is just one case of the occasional ‘grand minima’ of solar activity (see Sect. 3.3);
a less marked example is the Dalton minimum at the beginning of the 19th century.

Although the definition of the sunspot number appears to be somewhat arbitrary,
it is in fact very well correlated with more objective measures like the total solar radio
flux at 10.7 cm wavelength or the total (unsigned) surface magnetic flux and thus
represents a quantitatively valid measure of solar magnetic activity [26] (see Figure 4).

3.2.2. Sunspot latitudes, polarity rules, and tilt angle of bipolar regions. The average
latitudes of newly appearing sunspots show a systematic variation in the course of
the 11-year activity cycle. Sunspots emerge in two broad latitude belts, which are
roughly symmetric with respect to the solar equator. At the beginning of a cycle,
these belts are centered around ±30◦ latitude. In the course of the cycle, the sunspot
belts migrate towards the equator and reach about ±5◦ average latitude towards the
end of the cycle. In a latitude-time diagram of sunspot occurrence, this drift leads to
a characteristic butterfly-shaped pattern, which is also clearly visible in the related
diagram of the surface magnetic field (see Figure 5).
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The solar magnetic field 9

Figure 4. Various quantities varying in phase with the 11-year cycle of sunspots (lowest
curve: monthly sunspot number provided by the Royal Observatory of Belgium, Brussels):
total solar irradiance at the top of the Earth’s atmosphere in W/m2 (source: [22, 23]), 10.7 cm
(2800 MHz) solar radio flux in ‘solar flux units’ (SFU) of 10−22 J s−1 m−2 Hz−1 (source: Radio
Astrophysical Observatory, Penticton, Canada) and the total (unsigned) magnetic flux in the
solar photosphere (source: Wilcox Solar Observatory, Stanford, USA [24]).

Sunspots typically appear in groups embedded in magnetically bipolar regions,
whose local magnetic polarity they share in most cases. The bipolar regions are
roughly oriented in East-West-direction (the direction of solar rotation, see Figure 1)
and their polarities are arranged according to the following set of polarity rules (Hale’s
law, first formulated on the basis of magnetic field measurements in sunspot groups
[28]):

1) The magnetic orientation of bipolar regions remains the same in each hemisphere
during an 11-year activity cycle.

2) The bipolar regions in the Northern and Southern hemispheres have opposite
magnetic orientation.

3) The magnetic orientation of the bipolar regions reverses from one cycle to the
next.

As a consequence of these rules, the pattern of magnetic orientations repeats itself
with a period of two activity cycles, i.e., the magnetic cycle of the Sun has a duration
of about 22 years.

Another systematic property of bipolar regions is their deviation from a precise
East-West orientation: on both hemispheres, the more westward located polarity
(leading with respect to the direction of rotation) is nearer to the equator than the
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The solar magnetic field 10

Figure 5. Time-latitude diagram of the longitudinally averaged magnetic field in the solar
photosphere for the last three activity cycles. The emergence of magnetic flux in active regions
leads to characteristic structures in the lower latitudes, which have been first described in similar
‘butterfly diagrams’ based on sunspot observations [27]. The combined effects of convection,
and meridional circulation lead to the magnetic flux transport to high latitudes and thus cause
reversals of the polar magnetic fields in phase with the activity cycle (courtesy D. Hathaway,
NASA).

following polarity. On average, the corresponding tilt angle with respect to the East-
West direction, γ, is proportional to the mean heliographic latitude, λ, of the bipolar
region: γ ' 0.5λ (Joy’s law [29]).

Larger bipolar regions obey the polarity rules and Joy’s law more strictly than
smaller regions (without sunspots), which are probably more strongly affected by
disturbances and deformation of the underlying magnetic structure by convective
motions.

The systematic properties of large bipolar regions are important constraints for
models of solar magnetic activity and the solar cycle. Together with the polarity
reversals of the global magnetic field, they indicate a remarkable degree of large-scale
order and self-organization that is not obvious considering the non-stationary nature
of the convective motions, from which the solar magnetic field must ultimately derive
its energy (see Sect. 5).

3.2.3. Effect on solar rotation Magnetic activity affects the differential rotation of
the solar plasma only very slightly. Helioseismological measurements have not revealed
a systematic change of the shear layer (tachocline) at the bottom of the convection
zone in the course of the 11-year cycle, but there are indications of a time variation
of the rotation near the bottom and below the solar convection zone with a period of
about 1.3 years [30]. It is presently unknown whether this oscillation is related to the
magnetic field. A clearer relationship exists in the case of the (somewhat misleadingly
named) ‘torsional oscillations’, a pattern of slightly slower and faster rotating bands
differing from the average rotation by well below 1%. The bands propagate in latitude
toward the equator and are related, at low latitudes, to the migration of the sunspot
zones as well as to variations in the pattern of the meridional flow on the solar surface
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The solar magnetic field 11

[31]. The torsional oscillation was first observed by Doppler measurements of surface
flows [32] and later found to penetrate at least a third of the convection zone depth
[33, 34]. Suggestions concerning the physical origin of the alternating bands include
driving by the magnetic Lorentz force [35] and geostrophic flows driven by surface
cooling in active regions [36].

3.2.4. Irradiance variation and other impacts of the solar cycle The variation of
magnetic activity in the course of the 11-year solar cycle affects not only ‘magnetic’
quantities like magnetic flux or sunspot number; the radiative output of the Sun is also
modulated in phase with the solar cycle. This variation is particularly pronounced
for the radiation originating from the hot plasma in the upper layers of the solar
atmosphere (chromosphere to corona). Here, the dominating magnetic forces and the
dissipation of magnetic energy determine the atmospheric structure, which therefore
strongly changes in the course of the activity cycle (see Sect. 8). As a consequence,
the radiation at UV, EUV and radio wavelengths varies by factors in the range 2 . . . 10
between solar activity minimum and maximum while the soft X-ray flux changes by a
factor of order 100 [37]. Moreover, the total (frequency-integrated) solar irradiance at
Earth’s orbit as measured with bolometric instruments in space also changes slightly
(of the order of 0.1%) in phase with the solar cycle (see Figure 4, [23]). The fact
that the Sun brightens during activity maximum in spite of the larger fraction of the
surface covered by dark sunspots is due to the effect of small-scale magnetic fields,
which locally enhance the radiative flux in so-called faculae (see Sect. 7).

The variability of the solar irradiance has potential effects on terrestrial climate,
both on time scales of the solar cycle and, probably even more importantly, on
centennial and longer time scales [38]. While changes in the total irradiance concern
the basic energy input into the climate system, the (relatively much stronger)
variability of the UV radiation affects the temperature structure of the stratosphere
through photochemical reactions involving ozone [39]. A third possible route by which
solar variability may affect the terrestrial climate is via the modulation of the galactic
cosmic ray flux by the varying heliospheric magnetic field [40] (see Sect. 9). It has
been suggested that cosmic rays trigger cloud formation, so that their variation could
possibly affect the total cloud cover and thus climate [41].

3.3. Long-term modulation of magnetic activity

As already apparent from the record of sunspot numbers shown in Figure 3, there is
a long-term amplitude modulation of the 11-year sunspot cycle, including periods of
low or even almost vanishing sunspot activity. The detection of further regularities or
periodicities is hampered by the short length of the directly measured sunspot record.
Quantitative information about the solar activity before 1611 can be obtained through
proxies like the concentrations of the ‘cosmogenic’ isotopes 10Be and 14C [45]. These
isotopes are produced from atmospheric oxygen and nitrogen by spallation reactions
caused by galactic cosmic rays (mainly protons and α-particles). The modulation of
the cosmic ray flux (in antiphase with the solar cycle) by the varying heliospheric
magnetic field [46] imprints the signature of the solar cycle and the strength of solar
activity upon the production rate of the cosmogenic isotopes: the higher the solar
activity, the lower the production rate, and vice versa. The isotopes are subsequently
removed from the atmosphere and incorporated in ‘archives’ of past solar magnetic
activity in the form of yearly layers of polar ice shields (10Be, by precipitation) or tree
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The solar magnetic field 12

Figure 6. Reconstructions of the (10-year averaged) sunspot number from the measured
concentrations of cosmogenic isotopes. Upper panel: Sunspot number since AD 850 based on
10Be data [42, 43]. Lower panel: Reconstruction from 9455 BC until AD 1900 based on 14C
data from tree rings [44] (full line). After ' 1900, the 14C record is strongly contaminated by
the burning of fossil fuels (Suess effect) and cannot be used for the reconstruction. The dotted
line gives the 10-year averaged actual group sunspot number from 1611 AD onward.

rings (14C, by plant metabolism).
By inverting the various components of the chain of processes connecting the

measured isotope concentration with characteristic measures of solar activity (like the
sunspot number), it is possible to reconstruct the latter for periods greatly exceeding
the length of the directly measured record. As an example, Figure 6 shows the (11-
year averaged) reconstructed sunpot number based upon 10Be data from Greenland
and Antarctica (from AD 850 onward [42]) and a reconstruction from 14C in tree rings
(for the whole holocene from the year 9400 BC onward [44]). Both reconstructions
demonstrate that periods of very low activity like the Maunder minimum in the 17th
century are not uncommon. Furthermore, they also show that episodes of consistently
high average activity (like the current period since about 1940) are much more rare;
in fact, similarly long periods of comparable activity levels can only be found more
than 8000 years before present.

The cosmogenic isotope records permit also the search for other periodicities than
the 11/22-year basic sunspot cycle. Spectral analysis of the isotope data in fact reveals
significant signals at periods around 90 years (the Gleissberg cycle, which is also found
in the sunspot record [47]), 210 years, and 2200 years [45, 48, 49].
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The solar magnetic field 13

3.4. A ‘fossil’ magnetic field in the radiative interior?

Owing to the skin effect, the oscillating magnetic field of the solar cycle can penetrate
the radiative interior by only a few km. In the absence of turbulent convection, the
skin depth is determined by the molecular magnetic diffusivity, η = (µ0σ)−1, which is
in the range 10−2 . . . 1 m2 s−1 (σ is the electrical conductivity).

On the other hand, such values of the diffusivity in the interior together with
the large size of the system lead to a very long diffusive decay time for a large-scale
magnetic field, τd ' R2

�/η, exceeding the age of the Sun. It is therefore conceivable
that a slowly decaying ‘fossil’ magnetic field resides in the solar interior. This field
could be a remnant from the magnetization of the interstellar cloud out of which
the Sun formed or it could be a trapped field from a dynamo acting during the very
early evolutionary phase of the Sun when it was fully convective [50, 51]. It is also
conceivable that the combination of differential rotation and magnetic instability of a
toroidal magnetic field leads to dynamo generation of magnetic field in the radiative
interior of the Sun [52].

However, there is no direct observational evidence for such a magnetic field in the
solar interior. In fact, the existence of a sharp transition between the differentially
rotating convection zone and the almost uniformly rotating radiative interior in form
of a narrow radial shear layer (the solar ‘tachocline’ [53]) indicates that any fossil
magnetic field is closely confined to the radiative part and thus has no surface
manifestations. On the other hand, at least a weak internal magnetic field seems
to be required to maintain both the uniform rotation of the solar interior [54, 55] and
the sharpness of the tachocline [56, 57, 58].

4. Magnetic fields in the convection zone

In a convecting medium with large magnetic Reynolds number, magnetic flux is
expelled from regions of closed streamlines and assembled in flux concentrations
between the convection cells [59, 60]. This process of flux expulsion, which can be
directly observed in the flux distribution on the solar surface (see Sect. 7), leads to a
strongly intermittent distribution of magnetic flux. By analogy as well as through
qualitative minimum-energy arguments [61] and numerical simulations [62], such
intermittency of the magnetic field is also suggested to prevail throughout the whole
solar convection zone. The question is whether intermittent structures generated by
flux expulsion can become sufficiently strong and large to decouple themselves from
the convective velocity field to be governed by their internal dynamics. Sunspots
are an example of such an ‘autonomous’ structure, but observations show that they
are not formed by flux expulsion by surface flows but emerge as coherent (albeit
initially fragmented) entities from below. In fact, the sunspot polarity rules and other
systematic features indicate that the magnetic flux responsible for the formation of
sunspots and (large) bipolar regions is not dominated by non-stationary convective
motion but originates from a source region of largely ordered and azimuthally oriented
magnetic flux in the deep convection zone [63, 64]. These observations are in
accordance with the picture of a ‘rising tree’ [65, 66]: strands of magnetic flux
detach from the source region, rise through the convection zone and emerge at the
surface in a dynamically active way to form bipolar magnetic regions and sunspots.
Only after the initial stage of flux emergence and after fragmenting into small-scale
flux concentrations, does the surface field come progressively under the influence of
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The solar magnetic field 14

convective flow patterns and large-scale surface flows, so that its large-scale evolution
can be well described by flux transport models (see Sect. 3.1.3). Consequently, it is
necessary to consider the dynamics of magnetic structures in the convection zone in
order to make the connection between the observed properties of the surface fields and
the dynamo process generating the magnetic flux in the first place (see Sect. 5).

4.1. Magnetic flux tubes and flux storage

The dynamics of magnetic structures can be conveniently described using the concept
of isolated magnetic flux tubes. These are defined as bundles of magnetic field lines
(comprising constant magnetic flux), which are separated from their non-magnetic
environment by a tangential discontinuity (surface current) in ideal MHD or a narrow
resistive boundary layer. As a consequence, the coupling between an isolated flux tube
and its environment is purely hydrodynamic and mediated by pressure forces.

If the diameter of a flux tube is small compared to all other relevant length scales
(scale heights, wavelengths, radius of curvature, etc.) the thin flux tube approximation
can be employed, a quasi-1D description that greatly simplifies the mathematical
treatment [67, 68]. The forces which are most important for the dynamics of a
magnetic flux tube are the buoyancy force, the magnetic curvature force, the Coriolis
force (in a rotating system), and the aerodynamic drag force (for motion relative to
the surrounding plasma). Very thin flux tubes are effectively coupled to the motion
of the surrounding plasma by the drag force, while larger (but still ‘thin’ in the above
sense) tubes can move relative to the surrounding plasma owing to the action of the
other forces, similar to a flexible solid body immersed in a fluid.

An upward directed buoyancy force results from the density deficit in a flux tube
arising from the necessity to compensate the magnetic pressure by a reduced gas
pressure [69, 70]. Such magnetic buoyancy has important consequences for dynamo
models. It is the obvious mechanism to drive the rise and eruption at the surface of
magnetic flux generated by the dynamo, but it is so efficient that fields of equipartition
strength are lost from the convection zone in a time much shorter than the 11-year
time scale for field generation and amplification by the dynamo [70]. This problems
is actually made even more severe by the unstable superadiabatic stratification of
the convection zone, which leads to convective buoyancy and even faster flux loss [71],
and by the intrinsic instability of magnetic flux tubes in an unstably stratified medium
[72, 73, 74].

The buoyancy problem and the resulting ‘storage problem’ could possibly be
somewhat alleviated by ‘convective pumping’ [75, 76, 77]. This effect provides a
net transport of magnetic flux toward the bottom of a strongly stratified convecting
layer or into an underlying stable layer [78]. The cause of this process is the strong
asymmetry between up- and downflows in stratified convection: while most of the
rising fluid has to turn horizontal owing to the decreasing density after ascending for
about a scale height, the downflows accelerate, converge and merge, and can traverse
many scale heights. The magnetic buoyancy is therefore reduced by the ‘pummeling’
from above by strong downflow plumes. It is not clear, however, whether the numerical
simulation results which prompted this suggestion are applicable to the realistic solar
situation. The effects of limited grid resolution and numerical diffusion may well lead
to an overestimate of the flux transport by pumping [79].

In any case, the storage problem for magnetic flux resulting from magnetic
buoyancy in the convection zone can be resolved by assuming that the azimuthal
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The solar magnetic field 15

magnetic flux which, upon emergence at the surface, leads to large active regions and
sunspot groups is generated and stored in a stably (subadiabatically) stratified layer
of overshooting convection below the convection zone proper [80, 81, 82, 83], where
it can reach a stable equilibrium configuration [84, 74]. This layer overlaps with the
region of strong radial differential rotation (tachocline) and thus also provides the
rotational shear required for building up a strong azimuthal magnetic field.

There are two classes of possible magnetic configurations in the overshoot layer:
a continuous layer of magnetic flux and an ensemble of isolated magnetic flux tubes.
In the case of a layer of azimuthal magnetic field in mechanical equilibrium, the
magnetic Lorentz force is balanced by a combination of gas pressure gradient and
Coriolis force due to a field-aligned flow [85]. The relative importance of both
forces for the balance of the magnetic curvature force depends on the degree of
subadiabaticity of the stratification as measured by the quantity δ = ∇−∇ad, where
∇ and ∇ad = (d lnT/d ln p)ad represent the actual and the adiabatic logarithmic
temperature gradient (i.e., the logarithmic temperature gradient in a homentropic
stratification), respectively. In a strongly subadiabatic region (like the radiative core of
the Sun with δ < −0.1), the latitudinal pressure gradient is dominant for the magnetic
equilibrium, while the contribution of the Coriolis force is small. For δ ' −10−3, both
contributions are similar, while for a value of δ ' −10−6, as is probably realistic for
a layer of convective overshoot, the magnetic curvature force is balanced practically
by the Coriolis force alone. For a field strength of the order of 105 G (10 Tesla), an
azimuthal velocity of the order of 100 m s−1 relative to the background rotation is
required, so that the profile of differential rotation would be significantly modified.

Another important point is the stability of a magnetic layer. In the simplest
case, the decrease of the field strength at the top of such a layer drives an instability
of Rayleigh-Taylor type, whose nonlinear evolution leads to the formation of tubular
magnetic structures [86, 87]. In the absence of diffusion effects, a magnetic layer in
the overshoot region becomes unstable to flux tube formation when the field strength
exceeds a value of the order of the equipartition field strength with respect to the
kinetic energy density of the convective velocities [88]. The limiting field strength
for stability may be even smaller if doubly-diffusive instability becomes relevant in
the case of a dominating thermal diffusion due to radiation [89]. Another road to
the fragmentation of a magnetic layer into flux tubes is the Kelvin-Helmholtz-type
instability due to the shear flow [90].

As long as they remain within a stably stratified region, the flux tubes formed
by the instability of a magnetic layer can find a new equilibrium governed by the
balance of curvature force and Coriolis force [84], which is similar to the equilibrium
of a magnetic layer in a slightly subadiabatic region [85]. To obtain mechanical
equilibrium in the idealized case of an azimuthal flux tube, i.e. a flux ring contained
in a plane parallel to the equator, the buoyancy force must vanish since its component
parallel to the axis of rotation cannot be balanced by any other force. In the direction
perpendicular to the axis of rotation, the magnetic curvature force is balanced by the
Coriolis force due to a faster rotation of the plasma within the flux ring compared to
its nonmagnetic environment.

4.2. Flux-tube instability

If the dynamo-generated azimuthal magnetic flux is stored in the convective overshoot
layer in the form of a non-buoyant equilibrium configuration, a trigger mechanism is
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The solar magnetic field 16

required to initiate the rise of flux tubes towards the surface. One possibility is
radiative heating [91, 92], which leads to a slow rise of flux tubes through the overshoot
layer until they enter the convection zone proper, whereupon they rapidly rise to the
surface owing to convective and magnetic buoyancy [71].

As the field strength of a flux tube is intensified by differential rotation, at some
stage it exceeds the threshold for the onset of the undulatory instability [72, 73]. This
instability in most cases sets in for non-axisymmetric perturbations of an equilibrium
flux ring as sketched in the left panel of Figure 7. A downflow of plasma along the field
lines within the flux tube leads to an upward buoyancy force acting on the outward
displaced parts and a downward force on the troughs, so that the perturbation grows.
As a consequence, flux loops form, rise through the convection zone, and finally emerge
at the surface to form sunspot groups and active regions.

A detailed linear stability analysis [74] shows that flux tubes in the solar
convective overshoot layer are strongly stabilized by the combined effects of
stratification, rotation, and magnetic curvature forces. It requires a field strength
of the order of 10 Tesla (105 G) for the formation of a rising loop that eventually
emerges at the solar surface. This threshold value is about an order of magnitude
larger than the equipartition field strength with respect to the kinetic energy density
of the convective motions in the deep convection zone.

4.3. Numerical simulations of rising flux tubes

Simulations of the nonlinear development of the undulatory instability on the basis
of the thin flux tube approximation have revealed the important role played by the
Coriolis force (angular momentum conservation) for the evolution of a rising flux tube
in the solar convection zone [94]:

1) The expanding flux loop experiences a retarding Coriolis force directed
perpendicular to the rotation axis. For sufficiently weak field, the Coriolis force
can balance the corresponding component of the buoyancy force. The unbalanced
axial component of the buoyancy force then leads to a motion of the flux loop
parallel to the axis of rotation, deflecting its motion to high latitudes. It demands
a sufficiently strong buoyancy force to let the loop emerge in low latitudes, as
observed on the Sun; this requires initial field strengths of the order of 10 Tesla
(105 G) [95, 96, 97, 98]. The lower part of Figure 7 shows the quite different
behavior of emerging flux loops with initial fields of 12 Tesla (left panel) and
1 Tesla (equipartition field strength, right panel).

2) The strong stratification of the convection zone leads to a draining of mass from
the rising part by a flow along the loop. The Coriolis force on the horizontal
component of this flow (corresponding to an expansion) leads to a twist of
the rising loop (clockwise in the northern and anti-clockwise in the southern
hemisphere). Upon emergence of the flux loop at the surface, this twist manifests
itself as a tilt angle of the leading and the following parts of the newly-formed
bipolar region with respect to the azimuthal direction (see Sect. 3.2.2). A
quantitative agreement with the observed tilt angles requires a strength of the
dynamo-generated magnetic field at the bottom of the convection zone in the
range of 3–10 Tesla [99, 93].

3) Angular momentum conservation retards the azimuthal motion of the upper parts
of a rising loop and leads to a geometric asymmetry: the preceding part in the
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The solar magnetic field 17

Figure 7. Instability and rise of magnetic flux tubes. Upper left: Sketch of the undulatory
instability. An initially axisymmetric magnetic flux tube (a flux ring) in force equilibrium at
the bottom of the convection zone is perturbed by a displacement with azimuthal wavenumber
m = 4. A downflow of plasma from the crests into the troughs lets the summits rise while
the valleys sink. Upper right: Polar view of an emerging loop resulting from the nonlinear
development of the undulatory instability (azimuthal wave number m = 2) of a flux tube
with an initial field strength of about 12 Tesla. Shown is the projection of the tube onto the
equatorial plane. Note the distinct geometric asymmetry between the two legs of the emerging
loop resulting from the Coriolis force. Lower left: Three-dimensional view of the rising flux
tube shown in the upper right panel. The two transparent half-spheres correspond to the solar
surface and the bottom of the convection zone, respectively. The geometry of the rising loop is
in accordance with the observed properties of bipolar regions: low emergence latitude, positive
tilt angle with respect to the azimuthal direction, and geometric asymmetry between the two
legs of the loop. Lower right: Emerging flux loop with initial equipartition field of 1 Tesla
carrying the same magnetic flux as the tube on the left side. The loop emerges at much too
high latitude and the tilt angle even has the wrong sign (from [93]).

direction of rotation is more inclined with respect to the vertical than the following
part [100, 101]. The asymmetry can clearly be seen in the upper right panel of
Figure 7. The rise of such an asymmetric structure leads to the characteristic
proper motions and geometrical asymmetries observed in young sunspot groups
[102].

2D and 3D simulations of buoyantly magnetic flux tubes confirm the basic results based
on the thin-tube approximation [103, 94]. Moreover, they show that a rising magnetic
flux tube is liable to fragmentation [104] unless it is sufficiently strongly twisted, i.e.,
has an azimuthal field component in addition to the axial field [105, 106, 107]. At a
later stage of the rise, the twist can lead to kink instability, the signature of which
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The solar magnetic field 18

is indicated in X-ray images [108]. The effects of rotation and convection further
complicate the picture [109, 110].

4.4. Origin of super-equipartition fields

The requirement of a field strength of the order of 10 Tesla for the azimuthal
magnetic field in the source region of large bipolar active regions and sunspot groups
is based on a number of reasons: (1) the criterion for undular instability, (2) the low
emergence latitudes of active regions, (3) the tilt angles of sunspot groups, and (4) the
preservation of the coherence of the flux tube during its rise in view of the surrounding
turbulent convection [111].

It is unclear, however, how such a strong field is generated in the Sun. The
magnetic energy density of a field of 10 Tesla is two orders of magnitude larger than
the kinetic energy density of the convective motions in the lower solar convection
zone. This largely excludes flux expulsion by convection as a mechanism. It is
conceivable that convective flows could locally be much stronger (for instance, in
concentrated downflows) and compress the field; however, such local concentrations
would correspond to large azimuthal wave numbers (m > 10, say), for which the
undulatory instability requires a field strength well in excess of 106 G (100 Tesla).
Since the velocity differences over the tachocline are of the same order as the convective
velocities, the same argument applies to stretching by differential rotation as a
mechanism for the generation of the strong field: the back-reaction via the Lorentz
force of the growing magnetic field upon the shear flow limits the field strength to
about equipartition values. Moreover, this would lead to a strong variation of the
tachocline flows during the solar cycle, which is not observed [112].

A possible field intensification mechanism that does not rely on mechanical stress
is related to the sudden weakening of the field strength at the apex of a slowly rising
flux loop that remains in approximate hydrostatic equilibrium along the magnetic
field lines [113, 79]. Since the plasma in the flux loop is almost isentropic while
the surrounding convection zone shows a decreasing entropy with height, the pressure
within the flux tube decreases less rapidly than the external pressure. At some critical
height in the convection zone, both pressures become equal, so that the magnetic
pressure formally has to vanish: the flux tube ‘explodes’ at its apex and a region
of weak field develops between the two remaining ‘stumps’ of the loop. After such
an explosion, the high-entropy material within the tube streams out of the stumps
owing to its buoyancy. Numerical simulations indicate that this outflow continues
for a sufficiently long time, so that lateral pressure balance leads to a significant
field amplification in the non-exploded sections of the loop, including the deep, still
stored part of the flux tube [114, 115]. This represents an amplification process for
the magnetic field that does not rely on the mechanical energy of the convective or
rotational motions but directly utilizes the huge amount of potential energy residing
in the superadiabatic stratification of the convection zone.

5. The solar dynamo

The regular reversals of the global magnetic field in the course of the solar cycle
indicate that induction effects by bulk flows of the electrically conducting solar plasma
dominate over diffusion effects in determining the evolution of the solar magnetic field.
In the radiative interior, radially overturning motions are strongly suppressed by the
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The solar magnetic field 19

very stable stratification and the rotation is almost rigid, so that it can harbor only
a slowly decaying fossil field (see, however, [52]). The magnetic fields responsible for
the solar cycle therefore most probably originates in the overlying convection zone,
where the convective motions and differential rotation lead to strong induction effects.
The field reversals in the 11-year time frame, which is extremely short compared to
the diffusion time scales, indicate that these flows have to provide mechanisms for
both the fast generation and for the efficient removal and dissipation of magnetic
flux. While the latter process can be ascribed to the drastic enhancement of the
effective magnetic diffusivity for a large-scale magnetic field by turbulent flows in the
convection zone (‘turbulent diffusivity’), the mechanisms for flux generation starting
from a small initial seed field is the crucial issue of solar dynamo theory. Various
possibilities have been considered and a number of models have been constructed, but
a fully consistent and predictive theory is still lacking. In what follows, a brief sketch
of the basic concepts and the present state of research on the solar dynamo is given.
Recent comprehensive reviews can be found in [116, 117, 118].

5.1. Basic concepts

In the framework of magneto-hydrodynamics (MHD), the dynamo problem can be
stated as the search for solutions of the MHD equations (the combination of the non-
relativistic Maxwell equations, Ohm’s law, and the hydrodynamic equations [15]) with
non-vanishing magnetic energy as time goes to infinity. In order to exclude trivial or
unrealistic cases, the flow providing the induction effects is restricted to a compact
volume and has to be regular (finite kinetic energy and gradients). Moreover, the
magnetic field must not be maintained by sources (currents) at infinity [119, 120].
We can define a self-excited dynamo by the instability of the solution with vanishing
magnetic field, a trivial solution of the MHD equations. The evolution of a magnetic
field, B, under the influence of a velocity field, u, and a magnetic diffusivity, η, is
described by the induction equation, viz.

∂B

∂t
= ∇× (u×B)−∇× (η∇×B) . (5.1)

For dynamo action, the induction term (first term on the right-hand side) has to
overcome (in a global sense) the diffusion term (the second term). Consequently, a
necessary requirement for dynamo action is that the order-of-magnitude ratio of both
terms, the magnetic Reynolds number, is larger than unity.

Another necessary requirement for a working dynamo results from Cowling’s
theorem, which states that a rotationally symmetric magnetic field (like a dipole field)
cannot be maintained by dynamo action under rather general circumstances [121, 122].
Accordingly, the solar magnetic field is clearly non-axisymmetric. Another important
such ‘anti-dynamo’ theorem is due to Elsasser [123] and states that differential rotation
alone (or, more generally, a purely toroidal motion in an expansion of the velocity
field into spherical harmonics) cannot drive a dynamo in a sphere, provided that the
magnetic diffusivity is constant on spherical surfaces [124, 125]. As a consequence of
these restrictions, a working dynamo requires a complex three-dimensional and non-
axisymmetric structure of both the generated magnetic field and the driving velocity
field.

In the case of the Sun, differential rotation and convective flows are considered to
be the most important ingredients of self-excited dynamo action. For high magnetic
Reynolds numbers, the magnetic field lines are fixed to the fluid elements, so that the
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The solar magnetic field 20

Figure 8. Left: Generation of an azimuthal magnetic field through winding of meridional
magnetic field lines by differential rotation. Sketched here is the case of a latitude-dependent
angular velocity with a faster-rotating equatorial region (courtesy D. Hathaway, NASA). Right:
Sketch of the Parker loop. An expanding convective upflow comes into vortical motion owing
to the action of the Coriolis force in a rotating system (clockwise in the Northern hemisphere,
where the rotation vector has an upward directed component, counter-clockwise in the Southern
hemisphere). A magnetic field line frozen into the plasma is twisted into a loop with magnetic
field components perpendicular to the plane of projection (after [126]).

shearing effect of the latitudinal and radial gradients of the angular velocity of rotation
leads to the generation and amplification of an azimuthal magnetic field (aligned
with the direction of rotation) from a meridional field with radial and latitudinal
components (see left panel of Figure 8). Elsasser’s theorem shows that differential
rotation alone is not sufficient to maintain the solar magnetic field; a flow regenerating
the meridional part of the field is required in addition. The conceptual basis for most
convection-based models of this process is the Parker loop [126], which describes how
convective up- and downflows in a rotating system generate meridional flux loops
through twisting of the field lines due to the action of the Coriolis force on the flow
(see right panel of Figure 8). Upflows expand and downflows contract owing to the
pressure stratification of the convection zone. This leads to the same sense of twisting
by the Coriolis force in one hemisphere and, consistently, to the opposite sense in the
other hemisphere. For an azimuthal field of opposite polarity in both hemispheres
as generated from a dipolar field by differential rotation (cf. left panel of Figure 8),
the superposition of many such meridional loops forms a large-scale meridional field
of reversed polarity with respect to the original field from which the azimuthal field
had been wound up in the first place. Therefore, the Parker loop provides a simple
explanation for the polarity reversals of the large-scale meridional field of the Sun. In
connection with the winding by differential rotation it leads to periodic reversals of
both meridional and azimuthal magnetic field and thus accounts for the observed basic
features of the solar cycle: large-scale field reversals and the polarity rules of sunspots
groups (assuming that the latter originate from the azimuthal field component, see
Sect. 4).
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The solar magnetic field 21

The Parker mechanism escapes Cowling’s prohibition of a dynamo-generated
axisymmetric field through the intrinsic non-axisymmetry of the loop formation while
the spatially averaged generated field may well have a dominating axisymmetric
component.

5.2. Mean-field theory

The Parker mechanism has been mathematically formalized and greatly generalized
in the theory of ‘mean-field electrodynamics’ first developed by Krause, Rädler and
Steenbeck [120], which describes the evolution of a suitably averaged magnetic field
in a turbulent flow of an electrically conducting fluid. Magnetic field and velocity
are written as sums of their mean (denoted by angular brackets in what follows) and
fluctuating parts (with zero mean, denoted by primes). Under certain conditions
(e.g., a clear separation of scales), a spatial, temporal or azimuthal average can be
considered, but mathematically more convenient are ensemble averages, which always
satisfy the Reynolds rules (like interchangeability of averaging and differentiation
[117]).

Averaging the induction equation (5.1), one obtains an equation for the time
evolution of the mean magnetic field, viz.

∂〈B〉
∂t

= ∇× (〈u〉 × 〈B〉+ 〈u′ ×B′〉)−∇× (η∇× 〈B〉) . (5.2)

The term 〈u′ ×B′〉 describes the effect on the mean field of the correlations between
the fluctuating quantities. A corresponding equation for B′ is obtained by subtracting
Eq. (5.2) from Equation (5.1). Under certain conditions (e.g., if the magnitude of the
fluctuations is small compared to the mean field), an approximate solution of this
equation in terms of the mean field can be found. In the case of (locally) isotropic
and homogeneous turbulence, a series expansion in terms of the spatial derivatives of
〈B〉 then leads to

〈u′ ×B′〉 = α〈B〉+ β∇× 〈B〉+ . . . , (5.3)

where

α = −τc
3
〈u · (∇× u)〉 and β =

τc
3
〈u · u〉 . (5.4)

Here, τc denotes the correlation time of the fluctuating part of the velocity field.
Inserting Equation (5.3) into Equation (5.2) yields

∂〈B〉
∂t

= ∇× (〈u〉 × 〈B〉+ α〈B〉)−∇× [(η + β)∇× 〈B〉] . (5.5)

If non-vanishing, the contribution α〈B〉 to the mean electric field (the so-called α-
effect) drives a mean current parallel to or anti-parallel to the mean magnetic field.
The α-effect term therefore generates a meridional field from an azimuthal field,
and vice versa. The pseudo-scalar α is only non-vanishing for flows lacking mirror
symmetry, i.e., flows possessing a finite average helicity, 〈u · (∇×u)〉, resulting from a
net correlation between velocity and vorticity. These conditions are fulfilled in the case
of convection in a rotating stratified medium (‘cyclonic convection’), since the Coriolis
force leads to the required correlation between velocity and vorticity. Therefore, the
mean-field approach yields a formalization of the dynamo mechanism illustrated by
the Parker loop.

Equation (5.5) shows that the positive quantity β formally is equivalent to an
additional magnetic diffusivity, the turbulent diffusivity. It describes the enhanced
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effective diffusion of the mean magnetic field due to the (random-walk type) transport
of magnetic field lines by the fluctuating velocity field and the creation of small-scale
structure and enhanced dissipation through the development of a turbulent cascade.
The turbulent diffusivity in the deep solar convection zone is many orders of magnitude
larger than the molecular diffusivity η ' 1...10 m2 s−1: with typical values of 10 m s−1

for the fluctuating convective velocity and about a month for the correlation time,
we find β ' 108 m2 s−1, so that the molecular magnetic diffusivity can be neglected
for the evolution of the mean magnetic field. In fact, such values of the turbulent
diffusivity lead to typical decay times of the order of decades, which is the right order
of magnitude for the solar cycle.

Inserting differential rotation for the mean flow, 〈u〉, in Equation (5.5) and using
simple estimates for α and β leads to excited dynamo solutions, i.e., a mean field
growing from a small seed field. If the induction effect of the α-term is much smaller
than that of differential rotation (also called the Ω-effect), the solutions are oscillatory
with periodic reversals of both the meridional and the azimuthal field components.
Moreover, the solutions of such αΩ-dynamos represent latitudinally propagating waves
for predominantly depth-dependent differential rotation. Whether such dynamo waves
propagate equatorward or poleward depends on the sign of α∂Ω/∂r, where Ω is the
angular velocity and r the radial coordinate [127, 128]. The period of the oscillatory
solutions is basically determined by the diffusion time based upon the turbulent
diffusivity, which yields the value for the solar cycle to within an order of magnitude.

The presentation above covers only the most basic aspects of mean field theory. In
general, the coefficients of the expansion given in Equation (5.3) are (pseudo)tensors,
so that, depending on the preferred directions in the system (due to stratification
and rotation), anisotropic turbulent diffusion and transport as well as anisotropic
dynamo coefficients result [120, 129]. While the symmetric part of the general α-
tensor represents the dynamo effect, the antisymmetric part describes a turbulent
transport of the mean field. The simplest of such effects is turbulent diamagnetism
[130, 131], the expulsion of magnetic field from regions of intense turbulence. In fact,
numerical simulations of convection in rotating systems indicate that the α-tensor is
highly anisotropic, with the term describing the generation of meridional field from
azimuthal field generally dominating [132, 133, 134].

So far we have only considered the linear (kinematic) aspects of the dynamo
process: magnetic field lines are passively carried and twisted by the convective flows.
As the field strengths grows in the course of the dynamo process, the back-reaction of
the magnetic field on the generating velocity fields through the Lorenz force becomes
important. This limits the field strength that can be reached in the course of the
dynamo process (at least roughly to order of magnitude) to the ‘equipartition field’
Beq, i.e., the field strength for which the magnetic energy density equals the kinetic
energy density of the generating motions:

B2
eq

2µ0
' 1

2
ρv2 , (5.6)

where ρ is the density and v the velocity amplitude. For the lower half of the solar
convection zone we find Beq ' 104 G if we use current estimates of the convective
velocity.

There are basically two non-linear effects to be considered in mean-field theory.
One is the back-reaction of the magnetic field on the statistical properties of the
velocity field (like the flow helicity in cyclonic convection) that give rise to dynamo
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action in the first place. This leads to a dependence of the α-effect on the magnetic
field (also called α-quenching). Simple models give just an algebraic relationship
(like α ∝ B−2), but the incorporation of effects with long time scales in situations
characterized by large magnetic Reynolds numbers (like the evolution of the spectrum
of the current helicity, the product of the magnetic field with the electrical current
density [135]), leads to a dynamic (differential) equation for α [136]. Under certain
circumstances, α-quenching can become ‘catastrophic’ in the sense that α becomes
inversely proportional to the magnetic Reynolds number and the magnetic field
saturates at very low levels in systems characterized by large magnetic Reybolds
number [137]. The second non-linear effect results from the mean Lorentz force due to
the mean field, driving a mean flow. The induction effect of these flows, in turn, reacts
back and contributes to limiting the growth of the mean field [138, 104]. This effect
includes also the modification of the differential rotation in αΩ-dynamos [139, 140].

Mean-field αΩ-dynamo models are capable of reproducing many of the key
features of the solar cycle, namely, the periodic field reversals, the polarity rules of
the sunspot groups, and the equatorward drift of the activity zones – given that
the parameters (α-effect, magnetic diffusivity, and differential rotation) are suitably
chosen. Elementary considerations on the basis of the Parker loop already show that
the (pseudo-scalar) α generated by convection should be positive in the northern
hemisphere and negative in the southern hemisphere of the Sun. Equatorward
propagation of dynamo waves would then require that the dominant component of
differential rotation should be a radially inward increase of the angular velocity. This
is in clear contrast to the results of helioseismology, which show almost no radial
differential rotation in the convection zone and an inward decrease of the angular
velocity in the low-latitude tachocline [53]. On the other hand, the velocity correlations
leading to the α-effect reverse near the bottom of the convection zone, so that the sign
of α reverses also and the correct sense of dynamo wave propagation ensues in low
latitudes.

5.3. Dynamo simulations and fast dynamos

Local simulations of compressible magneto-convection describing small parts of the
solar convection zone have been carried out mostly in cartesian geometry [141, 142].
These simulations show excited dynamo action, albeit they produce only little ‘mean’
field on the scale of the computational box. While the total magnetic energy saturates
at a small fraction of the kinetic energy in the flow, the magnetic field is locally
intensified in flux-tube-like structures (‘flux cigars’) with about equipartition field
strength.

Self-consistent simulations of the generation of differential rotation and dynamo
action by convection in a spherical shell were already attempted in the 1980s
[143, 144, 145]. Excited dynamo action was found, but the generated fields indicated
poleward dynamo wave propagation in disagreement with the empirical facts. More
recent attempts ([146, 147], see also [148]) showed the generation of an intermittent
‘turbulent’ magnetic field but failed to reproduce the large-scale ordered fields
responsible for the 22-year solar cycle.

Numerical simulations have also provided a few examples of ‘fast dynamos’ [149],
i.e., dynamos whose growth rate remains finite in the limit of infinite magnetic
Reynolds number, Rm. This is an important issue since the very large value of Rm
for the flows in the solar convection zone must not restrict the growth time of the
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dynamo to time scales exceeding the solar age. Typically, fast dynamo action appears
for flows with chaotic stream lines, corresponding to positive Lyapunov exponents, so
that the magnetic field lines are repeatedly stretched, twisted, and folded. In fact,
numerical simulations of Boussinesq convection in a closed box show fast dynamo
action and strong intermittency of the generated magnetic field [150]. At present it is
unclear, however, how these concepts can be applied to the study of dynamo action by
solar convection and rotational shear or which fraction of the small-scale field at the
solar surface could possibly be generated by such local fast dynamo action. Another
topic of considerable current interest is the dependence of small-scale dynamo action
on the value of the magnetic Prandtl number, ν/η, the ratio of kinematic viscosity
and magnetic diffusivity of the fluid, which is a small number in many astrophysical
contexts [151, 152, 153].

5.4. Magnetic helicity conservation

A conceptually important quantity in the study of dynamo action in flows with large
magnetic Reynolds number is the magnetic helicity, viz. the quantity

H =

∫
V

A ·B dV , (5.7)

where A is the vector potential of the magnetic field and the volume V contains the
magnetic field, so that the normal component of B vanishes at its boundary. H is
gauge-invariant under these conditions and its evolution equation is given by

dH

dt
= −2η

∫
V

j ·B dV , (5.8)

which shows that the magnetic helicity is a conserved quantity under ideal conditions
(η = 0), which is also true in the limit η → 0 [154]. Note that the velocity field does
not explicitly appear in the evolution equation for H, so that there is no turbulent
diffusion of H: the net magnetic helicity in a flow with large magnetic Reynolds
number changes only on the very long time scale of molecular diffusion. This represents
a relevant constraint on dynamo models for the Sun, since the 11/22-year period of the
solar cycle is very much shorter than the resistive time scale based upon (microscopic)
diffusion [155, 156]. For dynamos based upon helicity and/or shear, the build-up of
a large-scale magnetic field is necessarily connected with the build-up of large-scale
magnetic helicity. This growth can happen in a time significantly smaller than the
resistive time scale only if (approximately) the same amount of magnetic helicity of
the opposite sign resides in a location separated either spatially (e.g., on the other
hemisphere, as for helicity generation by differential rotation) or in wavenumber (i.e.,
in small scales, as in the case of the α-effect due to helical flows). In any case, the
Sun has to shed magnetic helicity in the course of the solar cycle [157], either in the
form of resistive dissipation at very small scales, by cross-hemispheric transport, or
by losses into outer space (possibly in the form of coronal mass ejections [158]).

5.5. Current models

Conventional models of αΩ-dynamos working in the bulk of the convection zone have
difficulties to reproduce the latitudinal migration of the sunspot zone since the radial
rotational shear is much smaller than the latitudinal shear in the convection zone and
dynamo waves propagate along isolines of angular velocity [127] (see, however, [128]
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Figure 9. Schematic illustration of the key features of various classes of dynamo models. The
images represent a quadrant from a meridional cut through the Sun, indicating the radiative core
(inner part), the layer of convective overshoot and radial shear (inner shell, not to scale), and
the convection zone proper (outer shell). Left panel: overshoot layer dynamo (OL). Differential
rotation (Ω) and α-effect are both confined to the overshoot layer; dynamo waves (wavy line)
of poloidal (P) and toroidal (T) magnetic field propagate in latitude, according to the sign
combination of the radial shear and the α-effect. Middle panel: interface dynamo (IF). The
α-effect acts in the convection zone proper while the radial shear is confined to the overshoot
layer (tachocline). Both regions are connected by (turbulent) diffusion. The dynamo waves take
on the character of a surface wave along the interface between overshoot layer and convection
zone. Right panel: flux transport dynamo (FT). The poloidal field generated by an α-effect in
the convection zone (for instance, from the tilt induced near the surface by the Coriolis force on
rising flux tubes) is transported by a meridional circulation (dashed lines) poleward and down
to the tachocline, where the rotational shear generates a toroidal field. This field is transported
equatorward by the return flow of the meridional surface flow and, owing to magnetic instability,
erupts at low latitudes (double-lined arrow) (adapted from [116].)

and a recent re-appraisal of distributed dynamo action in the convection zone, [159]).
Moreover, such models are neither capable of producing and storing strongly super-
equipartition azimuthal fields nor can the turbulent α-effect of cyclonic convection act
efficiently upon such strong fields. Various possibilities to overcome these problems
have been suggested. In most of these models, it is assumed that a layer of overshooting
convection overlapping with the tachocline is the location where a strong azimuthal
magnetic field is generated and stored. The models can be classified into the following
three types (for detailed reviews see [117, 116, 160, 161]):

1) overshoot layer dynamos: α-effect is restricted to the overshoot region;

2) interface dynamos: Ω-effect is dominant in the overshoot region and a
conventional α-effect operates in the convection zone above, both regions being
coupled by magnetic diffusion;

3) flux transport dynamos: the radial transport of magnetic flux into the overshoot
layer and the latitudinal migration of the magnetic field are dominated by
advection by a large-scale meridional flow.

The basic concepts of these three classes of models are illustrated in Fig 9. In the
first case of a dynamo working completely in the overshoot region, the regeneration
of the meridional (poloidal) field has to be reconsidered because the strong fields
suppress the turbulent flows and the kinematic α-effect would hardly work. Possible
alternative mechanisms rely on instabilities of strong magnetic fields driven by
buoyancy [162, 163, 164, 165], radial shear flow in the tachocline [166], or latitudinal
differential rotation [167]. In contrast to the conventional kinematic dynamo models,
the velocity field is not prescribed but consistently determined from the (linearized)

DR.R
UPN

AT
HJI(

 D
R.R

UPA
K 

NAT
H )



The solar magnetic field 26

MHD equations. Super-equipartition fields pose no problem but are actually required
in some models for the mechanism to operate, since the instability must be excited. On
the other hand, in most of these models, the dynamo is not truly self-excited since the
instability requires the field strength to exceed a certain threshold value. Consequently,
a turbulent dynamo as a ‘starter’ is required to work in the background. A frequent
problem of overshoot dynamo models is the considerable overlap of the individual
cycles in a time-latitude diagram of the azimuthal field [168], which is in disagreement
with the corresponding observational diagrams of active-region occurrence at the solar
surface.

The interface dynamos circumvent the problem of the suppression of the α-effect
by a spatial separation of the generation region for the azimuthal and the meridional
magnetic fields [169]. Radial differential rotation builds up a strong azimuthal field
in the overshoot region, while the regeneration of the meridional field is achieved by
the ‘classical’ α-effect operating in the bulk of the convection zone. The connection
between the two regions is accomplished via (turbulent) diffusion, with the magnetic
diffusivity in the overshoot layer being reduced by a factor ∼ 102...103. As a result,
the magnetic field is strong below the interface and sufficiently weak above for the
α-effect to work. The resulting dynamo wave takes on the character of a surface wave
propagating along the interface between the convection zone and the overshoot layer
[170, 171, 172]

The most often studied examples of flux transport dynamos are the ‘Babcock-
Leighton dynamos’ [173, 174], named so owing to some similarities with early models
for the solar cycle [175, 176]. In these models, the regeneration of the meridional field
from the azimuthal field component is assumed to originate from the twist imparted
by the Coriolis force on azimuthal flux tubes rising through the upper layers of the
convective envelope. This twist becomes apparent as the latitudinal tilt of active
regions at the solar surface. If the radial shear in the tachocline dominates the Ω-
effect, the two induction effects are widely separated in space. It is assumed that
the generated poloidal field is transported by a large-scale meridional circulation
in the convection zone, a combination of the observed poleward surface flow and a
conjectured equatorward subsurface return flow [177, 178, 179, 180, 181, 182, 183].
The deep return flow controls the migration of the dynamo wave such that it can
propagate equatorward (in accordance with the observed latitude drift of the sunspot
zone) even if the sign combination of α-effect and angular velocity gradient would
lead to poleward propagation in the absence of a meridional flow. Furthermore, the
resulting cycle period is largely determined by the flow speed of the circulation. An
example of such a model is shown in Figure 10. Flux transport by meridional flow has
also been considered in some models of overshoot-layer dynamos [184] and interface
dynamos [185, 186].

5.5.1. Long-term modulation and grand minima In order to understand the origin
of the long-term modulation of the solar cycle in terms of dynamo theory, various
mechanisms have been proposed:

1) a modulation of the differential rotation through the nonlinear back-reaction of
the magnetic field,

2) a stochastic fluctuation of the α-effect,

3) a variation in the meridional circulation, and

4) on-off intermittency owing to a threshold field strength for dynamo action.
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Figure 10. Snapshot from a simulation of a Babcock-Leighton type flux-transport dynamo
with a realistic profile of angular velocity at a time close to ‘sunspot minimum’, after reversal of
the high-latitude polar magnetic field. The meridional circulation (not shown in the figure) is
poleward in the upper part of the convection zone and equatorward in the lower part. Contour
lines of the azimuthal magnetic field strength (left) and field lines of the meridional magnetic field
component (right) are plotted in a meridional quadrant, with the long-dashed line indicating
the interface between the radial shear layer (overshoot layer) and the convection zone proper.
Solid contours correspond to positive (clockwise-oriented) azimuthal field (meridional field line),
with opposite polarity (orientation) denoted by dashed contours. The meridional flux system
located around A is acted upon mostly by the (positive) latitudinal differential rotation, since
the radial shear vanishes at mid-latitudes. This leads to the growth of the azimuthal flux system
at B. The azimuthal flux system near C is the (decaying) remnant of the cycle just completed,
and that at B represents the new cycle just beginning. The latter is already contributing to the
generation of a surface meridional field at D, of opposite polarity to the meridional flux system
in A. The finite time required for meridional circulation to advect the magnetic field from D to
A introduces a time lag in the dynamo process (from [187]).

The back-reaction of the large-scale magnetic field on the differential rotation
in the tachocline can lead to complicated nonlinear behaviour, including long-
term amplitude modulations, intermittency and chaos as well as symmetry-breaking
bifurcations, so that the generated field may flip between dipole and quadrupole states
in a grand minimum [188, 189, 190, 191].

A different approach to account for the modulation of the solar cycle is the
stochastic behaviour of the dynamo itself [192, 193]. Defining averages over longitude
in a mean-field dynamo model and considering a finite number of large convective cells,
all mean quantities, including the α-effect, retain a stochastic component [194, 195].
Such a variation can lead to the occasional excitation of higher dynamo modes as well
as to long intervals of low activity [196].

Fluctuations of both the meridional flow and the α-effect have been studied in
connection with flux-transport dynamos [187]. The results suggest that the meridional
circulation speed, the primary determinant of the cycle period, acts as a clock and
thus maintains the phase stability of the cycle [197]. The model also exhibits a clear
correlation between the azimuthal field strength of a given cycle and the strength of
the high-latitude surface magnetic field of the preceding cycle, which is in qualitative
agreement with observational inferences [198]. Producing extended periods of reduced
activity, however, turns out to be rather difficult in the framework of these models.

The dynamic α-effect due to magnetic buoyancy only sets in beyond a threshold
field strength [163, 166]. Therefore it requires a starting mechanism in the form of
fluctuating magnetic fields transported by downdrafts from the turbulent convection
zone into the overshoot region. At the same time, such fluctuations, when destructive,
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can lead to a sequence of low-amplitude cycles or even drive the dynamo subcritical
until another, constructive magnetic fluctuation restarts the dynamo again. This
leads to on-off intermittent solutions, which can be related to the occurrence of grand
minima [199] .

5.6. Magnetic activity and dynamos of other stars

While the proximity of the Sun allows us to study its magnetic activity and the
underlying dynamo process in detail, observations of other stars open up the possibility
to investigate the dependence of magnetic activity on stellar parameters like age,
rotation rate, and depth of the convection zone, thus providing opportunities to test
dynamo theories [200].

Magnetic fields have been detected on many stars of various types [201].
However, solar-like magnetic activity characterized by strong surface inhomogeneity,
hot chromospheres and coronae, rapid time variability and flaring, etc., seems to be
restricted to stars with outer convection zones. These are comparatively cool stars
in various evolutionary stages ranging from very young stars still accreting matter
over hydrogen-burning stars to evolved giant stars [4]. In some cases, the magnetic
field can be directly measured through the Zeeman effect, but most often ‘proxies’
of magnetic activity like photometric variations, emission in chromospheric lines, and
coronal X-ray emission are used to infer the stellar activity. Large starspots can also
be detected by the spectroscopic techniques of (Zeeman) Doppler imaging [202, 203].

The magnetic activity of cool stars is related to their rotation rate: faster spinning
stars are more active. This is in general accordance with turbulent dynamo theory,
which predicts an increase of the α-effect with rotation rate. For a number of stars
there are detections of cyclic activity variations with periods between 7 and 14 years,
while others exhibit either irregular variations on a high activity level or have a flat
low activity level, possibly indicating a grand minimum [204]. Typically, stars with
a cyclic or flat activity level rotate slowly, while those with a irregular variations are
rapid rotators [205].

6. Sunspots

Sunspots are the most readily visible signs of the interaction between concentrated
solar magnetic fields and the solar plasma, with the largest sunspots being visible to
the (suitably protected) naked eye. Although sunspots have been extensively studied
for almost 400 years and their magnetic nature has been known for practically a
century, our understanding of a number of their basic properties is still evolving.

The first telescopic observations of sunspots by Galilei, Scheiner and others around
1611 marked the beginning of the systematic study of the Sun in the western world
and heralded the dawn of research into the Sun’s physical character. Over the ages
the prevailing view on the nature of sunspots has undergone major revisions. The
breakthrough came in 1908 when G.E. Hale [206] first measured a magnetic field in
sunspots. This was the first time that a magnetic field had been measured outside the
Earth. Since then the magnetic field has become firmly established as the root cause
of the sunspot phenomenon.

Recent overviews of the structure and physics of sunspots are given in the
proceedings edited by Thomas and Weiss [207], Schmieder et al. [208], Strassmeier
et al. [5], as well as in the review article by Solanki [209].
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Figure 11. A white-light image of a sunspot. The dark core is the umbra, the radially striated
part the penumbra. The surrounding bright cells with dark boundaries are granular convection
(Image obtained with the German Vacuum Tower Telescope on Tenerife, courtesy Kiepenheuer
Institut für Sonnenphysik).

6.1. Brightness and thermal structures

An image of a sunspot is shown in Figure 11. Each sunspot is characterized by a dark
core, the umbra, and a less dark halo, the penumbra. The presence of a penumbra
distinguishes sunspots from the usually smaller pores. In addition, some sunspots
contain light bridges, i.e. bright bands crossing the umbra (two bright light bridges
and a fainter one are visible in Figure 11).

Integrated over wavelength, the intensity of the radiation coming from the umbra
is approximately 20% of that of the quiet Sun, that of the penumbra is approximately
75%. Since the penumbral area is roughly four to five times as large as the umbral
area, the averaged, wavelength integrated intensity of a sunspot is roughly 60–70% of
that of the quiet Sun.

The brightness and thus the temperature of a sunspot are functions of spatial
position within the spot. They change on large scales, e.g. gradually in the umbra, but
small-scale structure is also prominent. The umbra harbors small bright structures,
primarily umbral dots. An image of a sunspot umbra taken in the TiO band-head at
705.5 nm is shown in Figure 12. It reveals the presence of many umbral dots, which
have diameters ranging from the spatial resolution of the observations to roughly
600 km, with the number decreasing quadratically with increasing size [210, 211].
This suggests that many umbral dots are spatially unresolved. The exact brightness of
umbral dots is not established beyond doubt, but the majority is probably significantly
darker than the undisturbed photosphere outside sunspots [212, 213, 214].

The sunspot penumbra is dominated by small-scale structure, most prominently
the elongated bright and dark penumbral filaments, but also the point-like penumbral
grains, which have similarities to the umbral dots. At the highest currently reachable
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Figure 12. Image of a sunspot made in the band head of the TiO molecule at 705.5 nm
wavelength with the Swedish Solar Telescope on La Palma by V. Zakharov and A. Gandorfer.
The umbral brightness is artificially enhanced in order to show the numerous umbral dots more
clearly.

resolutions the bright penumbral filaments or fibrils show a sharp dark lane running
inside them [215] and there is evidence that even these observations have not resolved
all the fine structure [216]. In the cores of spectral lines formed in the middle and
upper photosphere this brightness modulation appears to be washed out or, at least,
to be restricted to larger spatial scales [217].

6.2. Sizes and lifetimes

Sunspots exhibit a considerable range of sizes, which is well approximated by a
lognormal size distribution [218, 219]. Very large sunspots can occasionally reach
diameters of 60 000 km, but are relatively rare. Sunspots smaller than 3000 km in
diameter are also rare. Smaller photospheric magnetic structures usually manifest
themselves as pores or magnetic elements (see Sect. 7).

Small sunspots live for hours, the largest ones for months. The lifetime, T ,
increases linearly with maximum area, A0: A0 = WT , where W ' 3.1 107 km2 day−1

[220, 221]. Sunspots decay steadily soon after they reach their maximum size. The
decay is thought to be driven by turbulent diffusion of the magnetic field [222, 223].

6.3. Magnetic structure

Sunspots have a field strength of B = 2500–3500 G in their darkest portions and 700–
1000 G at their outer edges. At the ‘centre’ of a spot (i.e., at the location of the largest
field strength) the field is vertical (i.e., the zenith angle of the magnetic vector, ζ, is
close to zero) while it is inclined by ζ ' 70◦ . . . 80◦ to the vertical at the visible sunspot
boundary. Measurements of the radial profiles of magnetic field and inclination angle
in almost circular sunspots are shown in Figure 13 [224]. Other observations made in
the visible and infrared spectral ranges [225, 226, 227, 228, 229] give similar, although
not completely identical, results. Such regular, isolated sunspots do not appear to
show significant global azimuthal twist of the field [230, 226, 231, 224, 232]. Fits to
such data assuming a ‘buried’ dipole are reasonable, but not perfect. This suggests
that the global structure of the field inside regular sunspots is close to but not exactly
potential. The observations also indicate that sunspot magnetic fields are bounded by
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current sheets, i.e., at the sunspot boundary B falls off rapidly within a radial distance
that is small compared to the size of the sunspot [233].

From the measured profiles B(r) and ζ(r) it is possible to determine the relative
amounts of magnetic flux emerging through the umbra and the penumbra [234, 233].
The observations imply that over half of the magnetic flux emerges in the penumbra.
Consequently, sunspot penumbrae are deep, i.e. the lower boundary of the field in the
penumbra is inclined and lies significantly below the solar surface, at least in the inner
penumbra. The outer part of the penumbra could be shallow, however [235].

Above the visible solar surface, the field lines of a sunspot fan out rapidly, so
that the magnetic field forms an almost horizontal canopy, which overlies the nearly
field-free plasma below. The interface between these two regions (the canopy base)
is found to lie in the photosphere [236, 237, 227, 238]. The field strength above the
canopy base decreases steadily outward.

Modern techniques allow the 3-D structure of the magnetic vector in the lower
solar atmosphere to be determined. Within the visible outline of the sunspot, the
field strength decreases with height. At photospheric levels, ∂B/∂z ≈ 0.5–3 G km−1

[239, 240, 241]. When averaged over a height range of 2000 km or more, values
around ∂B/∂z ≈ 0.3–0.6 G km−1 are found in the umbra [242, 243, 244, 235]. These
values are in rough agreement with simple theoretical predictions of 0.5–1 G km−1

[245]. More recently, discrepancies have been found between gradients deduced in
the penumbra from visible and infrared spectral lines, respectively [246, 228]. Such
seeming inconsistencies can be reconciled if the fine structure of the penumbra is taken
into account, in particular, the presence of horizontal flux tubes interspersed with the
inclined field, as described below [247, 248].

At small scales, the penumbral magnetic field is filamented into two components,
an inclined component and a horizontal component [249, 250, 251]. The filaments
associated with each component are found to run uninterrupted across the entire width
of the penumbra [252]. The horizontal magnetic component is restricted in height and
is well described by horizontal flux tubes that are embedded in an inclined field ([253],
see Figure 14). However, there is still considerable controversy regarding the exact
magnetic structure. One controversial point is the actual width of the horizontal flux
tubes, with proposed values ranging between very slender, completely optically thin
flux tubes and structures that are a few hundred km thick [254, 255, 256]. Recently,
is has also been proposed that the magnetic structure is quite different, with field-free
gas intruding into (or nearly into) the photosphere and the horizontal field overlying
this field-free material [257].

6.4. Dynamic structure

The dominant signature of dynamics in the photospheric layers of sunspots is the
Evershed effect, named after its discoverer J. Evershed. It is composed of a shift
and asymmetry of spectral lines, with opposite signs on the limbward and centreward
sides of the penumbra† [259, 260, 261, 262, 246, 263]. This observational signature
is generally interpreted in terms of a nearly horizontal, radial outflow of material.

† As a sunspot moves over the visible solar disc owing to the rotation of the Sun, the line of sight
towards the observer changes its inclination with respect to the locally vertical (radial) direction:
when the sunspot is near the center of the disc, the spot is observed vertically, while sunspots near
the limb are seen under a large inclination. It is important to take these geometrical effects into
account when it comes to measuring quantities (like Doppler shift) which reflect the line-of-sight
component of a vector.
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Figure 13. Intensity and magnetic parameters vs. normalized radial distance, r, from sunspot
centre, as determined from 16 observations of sunspots. Vertical dotted lines indicate the
umbra (left) and the penumbra (right) boundaries. Plotted are the continuum intensity in
Panel A, vertical (Bz , solid curve), radial (Br, dotted curve) and azimuthal (Bφ, dashed curve)
components of the magnetic field in Panel B, magnetic inclination in Panel C, and magnetic
filling factor in Panel D. r is normalized to a radius well outside the visible sunspot. (from
[224]).

Figure 14. Detail of the fine-scale magnetic structure of the penumbra, as derived from
observations. Small-scale horizontal flux tubes are surrounded by inclined field lines (adapted
from [253]).
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Figure 15. Wilson depression (Z, downward shift of the layer of optical depth unity) of a
regular sunspot obtained from spectro-polarimetric observations in the infrared. The inner
and outer contours overplotted on the horizontal plane represent the umbral and penumbral
boundaries obtained from the continuum image, respectively (from [258]).

Depending on the spectral line used speeds of up to 6–9 km s−1 have been inferred
[264]. There has been considerable controversy about whether the Evershed effect
continues beyond the outer penumbral boundary, or not [265, 266, 267]. It is now
accepted that the Evershed effect does continue outside the boundary, but mainly
above the base of the magnetic canopy [268]. The mass flux in the penumbra is found
to be larger than in the canopy region beyond the visible penumbra [268, 238], so
that some of the mass carried by the Evershed flow must return into the solar interior
within the confines of the sunspots. The problem raised by this finding was solved
by the discovery of downflows near the penumbral edge [269], which suggests that the
excess mass flows again into the solar interior there. The flow is also found to be
structured in the sense that the outflow follows the nearly horizontal component of
the magnetic field [251, 270].

The Evershed effect is restricted in height. The line shifts decrease rapidly with
height of line formation (e.g. [259, 267]) and at sufficiently large heights (above the
temperature minimum) even change sign, so that the flow in the chromosphere is
directed inwards (inverse Evershed effect, e.g., [259, 266, 271]). This inflow is seen
at temperatures up to a few 105 K, i.e. in both chromospheric and transition region
gas. The transition region flow is both more vertical and faster than the flow at
chromospheric temperatures, and is also seen as an almost vertical flow above the
umbra. In spite of the larger flow speeds, the mass flux transported by the inverse
Evershed effect is only a few percent of the mass flux flowing out from the umbra in
the much denser photosphere.

With the help of local helioseismic techniques it is now starting to become possible
to detect flows below the solar surface. Sunspots are found to have a distinctive
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signature, with a downflow below them [272] and an inflow feeding this downflow just
below the surface (this flow pattern is termed a collar flow and was proposed by Parker
[273] to help hold sunspots together). This suggests that the Evershed flow and the
adjacent moat flow (a horizontal outflow surrounding the sunspot) do not extend more
than a couple of Mm into the solar interior.

Besides such steady flows, sunspots are also rich sources of oscillations and waves.
The most prominent are oscillations with a period of about three minutes, which
are measured in chromospheric layers above umbrae [274]. Above penumbrae, waves
traveling horizontally outwards (so called running penumbral waves) are dominant
[275]. Finally, the oscillations in the photospheric layers are found to have a period of
five minutes with similar properties as the acoustic oscillations of the quiet Sun. They
are identified as magnetoacoustic oscillations [276].

6.5. The Wilson depression

For sunspots near the solar limb, the umbra and often the part of the penumbra
nearer to the centre of the visible solar disk are no longer visible. This effect is called
the Wilson effect after its discoverer, A. Wilson. The Wilson effect is best explained
if the visible light within the umbra arises 400–800 km deeper than in the quiet
Sun [277, 278, 279]. The presence of such a Wilson depression implies that the gas
pressure within the sunspot must be significantly smaller at the same geometric level
than outside, in accordance with the idea that the magnetic field is confined mainly
by horizontal balance of total (gas plus magnetic) pressure.

The Wilson depression may also be estimated by introducing measured values
of magnetic field strength and temperature into the horizontal component of the
magnetohydrostatic force-balance equation [280, 281, 282]. Comparison of the Wilson
depression estimated in this manner with observation indicates that the magnetic
curvature forces within the sunspot are significant, but do not dominate over pressure
gradient forces. Spatial maps show that the Wilson depression is largest in the darkest
parts of the umbra, where B is largest [258]. Also, there is a relatively abrupt change
of the Wilson depression at the umbral boundary. The Wilson depression surface of a
regular sunspot obtained in this manner is plotted in Figure 15.

6.6. Theoretical models of the magnetic structure

The magnetic structure of sunspots is generally modelled assuming axial symmetry
for reasons of theoretical tractability, although most sunspots possess an irregular
shape. The field is confined by the external gas pressure and the magnetohydrostatic
equilibrium is described by

µ−1
0 curl B×B = ∇p− ρg ,

where B is the magnetic vector, p is the gas pressure, ρ the gas density and g
denotes gravitational acceleration. Usually significant additional assumptions have
to be made since otherwise the computation of the magnetic configuration would
require the treatment of all relevant spatial and temporal scales (which span very wide
ranges, e.g., spatially between 10 km and 105 km). A complete theoretical sunspot
model would also require the simultaneous and consistent solution for the magnetic
and thermodynamic structures, i.e., a solution of a complete energy equation (with
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Figure 16. Sketch of the monolithic (a) and cluster (b) models of the subsurface structure of
sunspot magnetic fields (from [207]).

radiative transfer and a consistent treatment of magneto-convection) in addition to
the force balance.

The most comprehensive existing models of the magnetic structure of sunspots
[283, 284] have a threefold structure that consists of the umbra, the penumbra, and
the surrounding nonmagnetic stratification, each separated by current sheets. Such
models, which also could include electrical body currents (leading to deviations from
a potential magnetic field) provide acceptable fits to the observations of the global
magnetic structure of sunspots and are the most promising for future study. One
basic assumption underlying all attempts to quantitatively model the global magnetic
structure of sunspots is the assumption that the sunspot is monolithic below the solar
surface. Recent helioseismic work, however, suggests that this assumption may not be
valid (see below).

Parker [285, 286, 287] proposed that just below the surface the magnetic field
of a sunspot breaks up into many small flux tubes due to the fluting (interchange)
instability [288]. Later is was found, however, that magnetic buoyancy protects
sunspots with magnetic flux φ > 1020 Mx from this instability, at least in the first
5–10 Mm depth [289]. Nevertheless, a cluster model of sunspots (see Figure 16)
can readily explain umbral dots as field-free intrusions into the sunspot from below
[287, 290], thus providing the high thermal energy flux of the umbra, which cannot be
transported by radiation alone. The strongest (but still indirect) support for a cluster
model comes from measurements made with the technique of local helioseismology,
which can (with some restrictions) image the subsurface thermal and velocity structure
[272]. At least in one case, signs of a nearly horizontal flow that passes a few Mm
underneath a sunspot has been found [291]. Since the magnetic field is nearly frozen
in the plasma, the field lines at the surface are nearly vertical, and the spot is stable,
such a flow cannot occur if the spot is monolithic below the surface.

One idea concerning the nature of the small-scale magnetic structure of the
penumbra considers it to be dynamic and its complexity to result from the convective
exchange of flux tubes [292, 234]. In the framework of this scenario, a flux tube
at the outer boundary of the penumbra (the magnetopause) is heated by the field-
free convecting external plasma. The subsurface section of the heated tube becomes
buoyant and rises, eventually coming to the surface near the outer penumbral edge.
Later, portions of the tube closer to the umbra reach the solar surface. At the
surface, the tube cools by radiation, loses its buoyancy, becomes more horizontal,
and eventually sinks down again, so that the cycle can be repeated. Part of this
scenario has been studied by numerical simulation [293, 294]: a flux tube lying at the
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magnetopause does indeed rise to the surface until it lies there horizontally through
much of the penumbra. Hot material continues to rise along the flux tube and flows
horizontally outward along the flux tube. This flow reproduces some properties of the
Evershed effect, suggesting that the magnetic and velocity structure are intimately
connected. Evidence supporting the presence of magnetic structure consistent with
these simulations has been provided [295, 296]. However, the simulations carried out so
far do not reproduce the second half of the convective transport cycle: the horizontal
flux tubes do not sink back down again, but remain at the surface. In this respect,
the simulations are in accordance with observed time series of magnetograms that
display little change in the magnetic structure with time [297]. An alternative proposal
assumes that the fluted structure of the penumbral field is produced by upwellings of
hot, field-free material, which parts the penumbral field lines approximately like two
curtains and reaches very close to the surface. Above these intrusions, the field is
nearly horizontal, beside them more vertical [257].

6.7. Models of the brightness and thermal structure

L. Biermann [298] first proposed that the reduced brightness of sunspots is due to
the inhibition of convective motions by the magnetic field, whereby the criterion
for the onset of convection is modified by the presence of the magnetic field [299].
Since convection dominates energy transport below the observable layers, quenching
of convection turns a sunspot into an obstacle to the outward heat flux through the
convection zone. This leads to a diversion of energy away from the sunspot, which
reduces the energy flux through the spot and produces a darkening. The diverted
energy flux is mainly stored in the convection zone and released very slowly over
its thermal time scale of 105 years, much longer than the lifetime of a sunspot
[300, 301, 302]. The recent rediscovery of a (very faint) bright ring around large
sunspots ([303]; see Waldmeier [304] for the original discovery) has only served to
show just how efficiently the blocked energy is redistributed within the convection
zone. Since only a few percent of the blocked energy flux immediately re-emerges in
the bright ring, the presence of sunspots at the solar surface leads to a global darkening
of the Sun.

A complete quenching of convection so efficiently reduces the heat flux that the
question to ask is not why umbrae and penumbrae are so dark, but rather why they
are so bright, in particular the penumbrae. The observed brightness can only be
explained if efficient mechanisms of heat transport act within sunspots in spite of the
strong magnetic field.

Of the approaches that have been taken to solve the problem basically two are still
considered viable. The first is to form the sunspot out of a cluster of small flux tubes
(see Section 6.6). Owing to the tapered shape of each small flux tube, larger amounts
of field-free gas are present between them at increasing depth. Consequently, below
the sunspot, convection can penetrate relatively unhindered until close to the surface.
In addition, for a sunspot composed of N small flux tubes the surface area of the side
walls of the flux tubes, over which the convective gas can radiate into the magnetized
gas, is

√
N times larger than for a simple monolithic sunspot. A larger side-wall surface

compared to the horizontal cross-sectional area leads to a more efficient heating of the
tubes. Note that, instead of flux tubes, marrow flux sheets als lead to an enhanced
energy flux at the surface.

The second proposal considers convective transport within a monolithic sunspot
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umbra. Magnetoconvection is a vast subject in itself and we refer the reader to reviews
devoted specifically to this topic (e.g., [305, 306, 307]. Here we only mention two
results. The character of the convection below a sunspot umbra depends largely on
the parameter ζ = η/κ, where η is the magnetic diffusivity and κ is the (radiative)
thermal diffusivity. For ζ < 1 the convection is oscillatory, while for ζ > 1 overturning
convection is the preferred mode [222]. Since ζ ≈ 10−3 � 1 at the solar surface,
but increases rapidly with depth, the current picture is that oscillatory convection
dominates in the first 2 Mm below the surface, while overturning convection takes
over in the deeper layers. In any case, such modes of magneto-convection lead only
to moderate variations of the magnetic field strength between the upflow and the
downflow regions [308].

Recent 3-D simulations exhibit cases of filamentation. For magnetic fluxes
appropriate to sunspot umbrae, islands of upwelling hot gas with a relatively weak
magnetic field were found, surrounded by cooler, strong-field material [309, 310]. These
hot upwellings are reminiscent of umbral dots. Unfortunately, such magnetoconvection
simulations cannot as yet be used to decide between the monolithic and the cluster
model. This is partly because the parameters and geometries for which these
computations are carried out are still significantly removed from real sunspots.

The problem of heating the umbra pales in comparison with that of heating the
penumbra with its nearly 4 times higher radiative flux. One possibility would be a
‘flat penumbra’, such that the sunspot magnetopause were to lie within a few photon
mean-free-paths of the solar surface under the whole penumbra [311]. However, the
measured magnetic field structure excludes such a model, since it does not account
for the amount of magnetic flux emerging in the penumbra [233]. Most other options,
such as interchange convection (see previous subsection), the excess heat brought to
the surface by the gas feeding the Evershed flow, or heating by magnetic reconnection
between the inclined and the horizontal field, face problems. For example, the first
runs afoul of observations suggesting that the penumbral magnetic structure does not
change sufficiently rapidly to provide the necessary heat flux [312, 297]. A steady
outflow of matter as the source of the heat could work, but only if the flow dips below
the solar surface multiple times during its passage across the penumbra. Another
possibility is a special mode of magneto-convection in an inclined magnetic field (e.g.,
[313], or the intrusion of field-free material between the penumbral field lines, making
the penumbra locally shallow [257].

6.8. Models for the Evershed effect

The simplest interpretation of the Evershed effect is that it is produced by a steady,
almost radial outflow. This scenario was put on a solid physical footing by Meyer and
Schmidt [314, 315], who presented a siphon flow model of the Evershed effect. The
field strength in the outer penumbra (700–900 G) is smaller than in typical small-scale
magnetic elements (1000–1500 G), so that the gas pressure is expected to be larger
in the outer penumbra. If the field lines from the outer penumbra are connected to
elements of concentrated magnetic flux outside the sunspot (see Sect.7), then the gas
pressure difference at equal geometrical height drives a flow from the penumbra to the
magnetic elements. At the same time, this model also explains the inverse Evershed
effect. The field strength in the umbra (2000–3000 G) is larger than in small external
magnetic elements, so that a field line connecting the umbra with a magnetic element
should support an inflow into the umbra. The relative simplicity and intuitive appeal
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of this model has led to a number of investigations (e.g., [316, 317]).
Observations indicate that the outflow associated with the Evershed effect is

largely restricted to the penumbra, with downflows present in the outer penumbra
[269], so that only a small fraction of the mass continues into the superpenumbral
canopy [268]. Since the (average) field strength decreases by roughly a factor of two
from the inner to the outer penumbra, this would lead to a siphon flow directed towards
the umbra, opposite to the observed flow. Only a difference in the heights (i.e., Wilson
depression) to which the field strength observations correspond leaves a possibility to
obtain the correct flow direction [317]. However, another solution is also possible. The
horizontal component of the field supporting the Evershed flow changes very little in
strength between umbral boundary and outer spot boundary [318, 248] while the more
vertical background component of the field displays a strong outward decrease. The
balance of total pressure between these two components leads to a strong radial gas
pressure gradient in the flow-carrying horizontal flux tube, which can drive an outward
flow.

7. Small-scale magnetic structure

7.1. Introduction

The magnetic field in the photospheric layers is concentrated in active regions and
in a network distributed over the whole Sun. In active regions (outside sunspots)
the magnetic field is concentrated into more or less discrete features that together
form faculae or plage regions.† In the quiet Sun (i.e., outside active regions) the
magnetic flux elements form a network outlining the borders of supergranular cells
with a length scale of 20–40 Mm. Another type of magnetic feature in the quiet Sun
are the internetwork elements, which are located in the interiors of supergranular cells.
On a more localized scale, the magnetic elements forming faculae and the network, and
very likely also those in the internetwork, are located in the downflow lanes between
granules [319, 320].

There is a whole spectrum of magnetic features having very different sizes and
properties on the solar surface. Sunspots (Sect. 6) are the largest and rarest. Even
at times of greatest solar activity they cover only a fraction of a percent of the solar
surface. On average smaller than sunspots are pores, although the largest pores can
be bigger than the smallest sunspots. Pores typically have diameters of a couple of
thousand km and are dark. They are distinguished from sunspots by the fact that
they have no penumbra, appearing like isolated umbrae [321]. Even smaller, and far
more common, are magnetic elements, bright structures with diameters smaller than
a few hundred km. High resolution observations show magnetic features with sizes
right at the achievable spatial resolution of 150 km [322]. In the quiet Sun, indirect
estimates suggest the existence of features of the internetwork field with a diameter
of at the most 50 km [323]. Finally, observations indicate an omnipresent turbulent
field in photospheric layers.

The current picture of the magnetic elements is that they have many features
in common with sunspots (although at first sight the differences may appear to

† Historically, a plage is defined as an extended bright region seen in cores of stronger chromospheric
spectral lines. Plages are roughly co-spatial with photospheric faculae, bright areas seen near the
solar limb in the continuum or in photospheric spectral lines. Both, plages and faculae, are caused by
a large density of small-scale elements of concentrated magnetic flux, so that often the terms plage
or faculae are used to denote areas densely populated by such magnetic elements.
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dominate). In particular, both structures, as well as pores, are thought to be
manifestations of intense concentrations of magnetic flux and are usually described by
the theory of magnetic flux tubes. Overviews of the properties of magnetic elements
can be found in [324, 325].

The magnetic structure in both active regions and in the quiet Sun network is
very similar: the magnetic field is concentrated into more or less discrete elements of
magnetic flux separated by regions with comparatively little magnetic flux (to first
approximation they are considered to be field free, although they probably harbor a
considerable turbulent magnetic field; see Sect. 7.7). Hence the measured intensity
from a part of the Sun can, employing a simple 2-component model, be written as:

Iobs = fIm + (1− f)Ib, (7.1)

where Iobs is the observed intensity, Im the intensity of light from the magnetic
feature, Ib from the “field-free” background and f is the magnetic filling factor, i.e. the
fraction of the observed part of the solar surface covered by intense magnetic fields.
Equation 7.1 is based on the assumption that the spectra of magnetic elements and
background are the same everywhere, or, alternatively, it describes average properties.
One reason why Equation 7.1 has been widely used is that many magnetic features
are not resolved by spectropolarimetric observations, which usually do not reach the
spatial resolution achievable in broad-band images. Although Im and Ib do to a certain
extent depend on f , to first order on different parts of the Sun Iobs can be determined
simply by changing f , while leaving Im and Ib unchanged. When considering the net
polarization (as described by the Stokes parameters Q and U for net linear polarization
and Stokes V for net circular polarization) produced by the Zeeman effect to first order

Sobs = fSm, where S = Q,U, or V. (7.2)

In reality, the relationship is more complex, but Equation 7.2 does indicate one
major advantage of using the polarized Stokes parameters when studying small-scale
magnetic elements, specially when they are spatially unresolved: to first order the
field-free atmosphere does not contribute to the polarized Stokes profiles.

7.2. Field strength measurements

The first evidence for magnetic fields outside sunspots was found by G.E. Hale
[326] in what he termed ‘invisible sunspots’. Such features were first mapped with
the photoelectric magnetograph by Babcock and Babcock [327]. Although the field
strength averaged over the spatial resolution element of the magnetograph (typically
a few Mm on the Sun) was on the order of tens to a few hundred G, evidence
kept accumulating that the intrinsic field strength of these features is much larger
[328, 329, 330]. The difference between the apparent and intrinsic field strength can
be explained if the features are spatially not resolved, i.e., f � 1 in Equations (7.1)
and (7.2). Finally, a technique involving the ratio of a carefully chosen line pair
was used by Stenflo [331] to show that magnetic elements intrinsically have kG field
strength (cf. [332, 333, 334]). The strong fields have been confirmed by a number
of other techniques and diagnostics in the meantime, most prominently the spectral
lines of neutral iron (Fe I) at 1.56 µm, which are sufficiently Zeeman-sensitive to
directly reveal the splitting by the kG field [335, 336, 337]. More recently, line profile
inversions, which allow the magnetic field to be determined consistently with the
other atmospheric parameters have confirmed and refined the results obtained with
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other techniques [338, 339, 340]. At the same time, the spatial resolution of the
observations has also been increasing, in some cases allowing magnetic elements to be
nearly resolved [322], although simulations of magnetoconvection show many features
that lie below the best currently achievable spatial resolution (see Sect. 7.5).

The magnetic field strength drops rapidly with height. In the deep photosphere,
the field strength is around 1500–1700 G [335, 336, 337]), dropping to roughly 1000–
1200 G in the middle photosphere [333]), and to 200–500 G near the temperature
minimum [341, 342]). How strongly the field strength drops with height in still higher
layers depends on the filling factor. Owing to magnetic flux conservation, the magnetic
features expand with decreasing field strength (increasing height) until neighboring
flux tubes merge, at least in the case when they have the same magnetic polarity, which
is typical of active regions. This case is illustrated in Figure 17. Above the merging
height, the field strength is expected to drop much more slowly. Observations have
also provided evidence for the expansion of the flux tubes and their merging [342, 343].
In a mixed polarity environment like the quiet Sun, the situation is more complex since
field lines can bend over and return to the solar surface relatively close by.

The field strength of magnetic elements increases slowly with increasing filling
factor, f , and also with increasing cross-sectional area of the elements [337, 344]. Thus
between the quiet network and strong active region plage the field strength increases
by roughly 10% at a given geometrical height, although f can change by nearly an
order of magnitude. At very small filling factors or magnetic fluxes, as found mainly
in supergranule cell interiors, however, the situation is less clear. Observations using
the infrared iron lines at 1.56µm show that B drops rapidly with decreasing flux
[323, 345, 346]. High resolution observations in the visible spectral range, on the other
hand, suggest the presence of strong fields throughout the supergranule cell interiors
[347, 348]. The dependence of the intrinsic field strength on the spatially averaged
field, as deduced from 1.56µm lines, is shown in Figure 18.

High resolution images suggest that the average size of magnetic features
increases as the filling factor increases. This is also supported by the comparison
of spectropolarimetric data with MHD simulations [349]. These results indicate that
the increase in field strength with filling factor may mainly reflect a dependence on
flux-tube size.

7.3. Formation and evolution

New magnetic flux emerges into the solar atmosphere in the form of bipolar magnetic
regions. During emergence, the field initially is relatively weak (being a few hundred
Gauss) and predominantly horizontal [350]. At this point we are seeing the top of the
emerging Ω loop. As the loop continues to rise, its two photospheric footpoints move
apart, the field gets stronger and nearly vertical.

Right from the beginning, the field interacts with convection. At the location
of flux emergence, the granulation is heavily disrupted, with long thin parallel dark
and light striations being visible instead of normal granules [351]. This interaction
continues throughout the lifetime of the magnetic flux, although the field and
convection segregate early (such that the magnetic flux then lies in the intergranular
convective downflow lanes). As the granules evolve and move, the flux located between
them is forced to move along, wandering with the intergranular lanes. Finally, it
is probably the turbulence associated with convection which buffets and twists the
field on a small scale, bringing opposite polarities together and thus allowing for the
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Figure 17. ‘Wine glass model’ of magnetic elements. The bounding field lines (current sheets)
of two neighbouring magnetic elements are indicated by the curved, nearly vertical lines, the
solar surface (i.e. the continuum unit optical depth, τ = 1, level) by the thick line. Also indicated
are the angles θc at which the bright walls of the flux tubes are best visible. Note that θc is
larger for the thicker flux tube.

Figure 18. Intrinsic magnetic field strength at the solar surface, B(z = 0), vs. the unsigned,
spatially averaged longitudinal field strength 〈|B cos δ|〉, where δ is the angle between the
direction of the magnetic vector and the line of sight of the observer. Plotted are binned values
resulting from quiet Sun (squares) and plage (circles) observations. The inset shows only the
left-most part of the main figure, with the squares being identical to those in the main figure.
The small circles and crosses represent individual measurements. The diamond denotes the
value of B derived from the profile averaged over all the magnetic features denoted by crosses,
which individually lie below the noise level (from [345]).
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dissipation of magnetic energy.
The currently favored physical picture of the formation of magnetic elements

involves a two-stage process. In a first step, the convection (i.e. the granular flow)
expels the initially weak and relatively homogeneously distributed magnetic flux into
the intergranular downflow lanes [59, 60, 309, 352]. This process is called flux expulsion
and can concentrate the field until it is roughly in equipartition with the flow, i.e.,
the magnetic energy density equals the kinetic energy density, B ' √µ0ρ v, where
ρ is the gas density and v is the average horizontal convective flow speed. For the
solar photosphere values of 100–400 G are thus obtained, depending on the height to
which they refer (ρ drops exponentially with a scale height of ≈ 100 km) and on the
value of the convective velocity assumed. Of considerable importance for the further
concentration of the magnetic flux is an instability, the so-called convective collapse,
which is driven by the cooling, through radiative losses at the solar surface, of the gas
trapped between the field lines [353, 354]. As the gas cools, its density increases, so
that it sinks and settles in deeper layers, leading to low pressure in the upper layers
of the flux concentration. The pressure of the surrounding gas pushes the field lines
together, thus strengthening the field to kG values at the solar surface. A field of this
strength quenches convection and stops the instability from growing further. Radiative
heating (mainly through the side walls of the flux concentration; see Sect. 7.5) keeps
the gas from cooling further and thus allows the magnetic element to approach a stable
magneto-static state [355]. Since the lateral influx of heat is more efficient for more
slender flux tubes (which have a larger ratio of wall area to volume and which are less
optically thick), the less flux in a small-scale magnetic feature, the lower the final field
strength [356]. Observations confirm this theoretical prediction [345].

In reality, the various stages of the above multistep process (emergence,
brightening, flux expulsion and convective collapse) seem to run in parallel [357].
The emerging field already has equipartition field strength and is very rapidly swept
into the intergranular downflow lanes, where is becomes intensified by the convective
collapse process. As the field becomes stronger, the buoyancy force increases ∝ B2, so
that an initially inclined field quickly becomes nearly vertical [358]. Indeed, a strong
correlation is found between inclination and the strength of the field in an emerging
flux region [350] and is also observed in simulations of magnetoconvection appropriate
for regions of mixed magnetic polarity [359].

The non-stationary granulation appears to be the major driver of the evolution
of individual magnetic features, although on a larger scale the evolution of the
supergranulation and possibly the mesogranulation (i.e., a velocity pattern on an
intermediate scale of 5–10 Mm) play the more important role [360]. Individual
magnetic features are dragged along as intergranular lanes change and move [361, 362].
Polarimetric observations have so far provided only limited information on the
evolution of individual magnetic elements, with proxies revealing much of what we
know. Proxy observations (see Sect. 7.4) show, e.g., the splitting and merging of
bright points [361]. However, a deeper insight is given by MHD simulations (see
Sect. 7.5).

The most common mode of decay of the magnetic field is through cancellation
with features of opposite magnetic polarity, as has been revealed from time series of
magnetograms [363, 364]. Again, the spatial resolution of the observations is not
sufficient to learn more about the exact processes acting during the cancellation.
However, after the emergence of a bipolar loop, its individual footpoints generally
keep moving apart and finally cancel with opposite polarity elements belonging to
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another bipole (or merge with field of the same polarity). Hence, the cancellation
must be accompanied by magnetic reconnection of some form, i.e. with some amount
of energy release. This process has been proposed as the source of the observed X-ray
bright points [365].

7.4. Facular brightening and proxies of the magnetic field

The measurement of the magnetic field often suffers from a low signal-to-noise ratio,
in particular when considering regions with low magnetic flux (or filling factor). Since
net circularly polarized light needs to be recorded at high spectral resolution, the
low signal level necessitates longer integrations, which results in a loss of spatial
resolution caused by smearing due to fluctuations of the refractivity index in the
turbulent terrestrial atmosphere. This has led to the use of more easily accessible
proxies, generally the intensity in some (narrower or broader) spectral band in which
the magnetic features exhibit a particularly large contrast. These proxies are useful
since they are more rapidly recorded, permit a simpler instrument setup and do not
suffer from polarization cross-talk. Magnetic elements are generally visible as bright
structures. Their visibility thus depends on the amount of excess heating which they
undergo.

The intrinsic brightness of magnetic features depends on their size. In general, the
intrinsic brightness of a magnetic feature located near the centre of the visible solar disc
(so that the observational line of sight is vertical) increases steadily with decreasing
cross-sectional area or magnetic flux per feature. Such a relationship also holds if
instead of size the magnetic flux per pixel, or filling factor f , is considered [366, 367].
However, unless the spatial resolution is very high or a region located near the solar
limb is observed, magnetic elements cannot be recognized in continuum radiation. This
behavior can be understood in terms of a flux-tube model (see below). The dependence
on magnetic flux itself depends on the height from which the radiation originates (e.g.,
[368]). Thus, pores are dark in the visible continuum, but bright in radiation coming
from the chromosphere (e.g., emitted in the core of the strong spectral line of ionized
calcium, Ca II K). Quite generally, the contrast of the magnetic features located near
solar disc centre increases with increasing height of emission or absorption of the
radiation (within the photosphere and chromosphere). Hence the best wavelengths
at which to study magnetic elements are those for which the radiation is emitted in
the mid-photosphere or higher and where the intensity is particularly temperature
sensitive. This is illustrated by Figure 19, which shows the large difference between
the contrast of magnetic features measured in the visible continuum (bottom), and
the cores of spectral lines. Clearly, the contrast saturates and decreases again in the
continuum for increasing magnetic flux (formation of pores), but continues to increase
in the line cores.

Recent G-band observations with a resolution of 100 km or better have unveiled
new aspects of the morphology and dynamics of small-scale magnetic features. Their
morphology strongly depends on the amount of magnetic flux that they harbour.
In regions of low magnetic flux (quiet Sun) the features are more point-like, while
in strong plage (active regions) they reveal are more ribbon-like appearance, often
exhibiting a rather convolved shape. The features continuously evolve along with the
granulation, changing their form, buckling at their edges, breaking up or coalescing
[369, 370].

Quite distinct is the behavior of the brightness contrast (with respect to the quiet
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Sun) of magnetic elements as a function of their distance from the centre of the solar
disk (centre-to-limb variation of contrast due to an increasing angle between the line
of sight and the local vertical direction on the Sun). In white light or at continuum
wavelengths, faculae are often almost invisible near the centre of the solar disk, but
become bright near the limb even at relatively low spatial resolution. This dependence
on limb distance also is a strong function of the amount of magnetic flux or filling factor
[371, 367]. The steep increase in contrast towards the limb is typical of regions with a
high flux density, with features that are dark at the centre of the disk appearing bright
near the limb. At small f , the contrast peaks closer to the centre of the disk, although
it is comparatively flat as a function of limb distance. The contrast of chromospheric
plage and the chromospheric network is much higher and is roughly independent of
position on the solar disk. This suggests that different mechanisms are responsible for
the excess brightness of magnetic elements in the lower photosphere than in higher
layers.

Although broad-band brightness is the most easily recorded quantity, it is not
the best proxy of the magnetic field. The continuum contrast of magnetic elements is
small, being a couple of percent under typical to good observational conditions. This is
similar to the contrast of the granulation pattern, so that it is not straightforward to
identify magnetic features except near the limb or at very high spatial resolution.
The contrast can be enhanced if the observations are carried out in the cores of
spectral lines, in particular if these lines are temperature sensitive. Most commonly
used are the chromospheric cores of the Ca II H and K lines and wavelength bands
dominated by lines of diatomic molecules, whose relatively low dissociation potential
makes their spectra extremely temperature-sensitive. Examples are the G-band at
around 430.5 nm dominated by spectral lines of the CH molecule or the CN band
head near 388 nm [372, 373, 374]. Observations in these wavelength bands allow
higher resolution to be obtained than with magnetograms since they can be carried
out with wider filters (0.1–3 nm wide) rather than in the narrow bands necessary for
magnetograms (< 0.01 nm), so that shorter exposure times are possible. The higher
contrasts in spectral line cores suggest that the temperature enhancement in the upper
photosphere and the chromosphere in magnetic elements is much stronger than in the
lower photosphere.

The brightness in the Ca II K line core has been used as a proxy of magnetic
brightening since the invention of the spectroheliograph, showing both the magnetic
network and the active regions with high contrast. Recently, very high resolution Ca II
K line observations have been made with the Dutch Open Telescope [375]. An example
is shown (along with an image in the G band, which originates in the photosphere) in
Figure 20. The sunspots are seen in both photospheric and chromospheric radiation,
but are less readily visible in the latter. The plage, on the other hand, appears
particularly bright in the chromosphere, and the network structure is also clearly
discernible. Note that it is not always the same features that are most clearly visible
in the chromosphere and in the photosphere.

With the advent of observations in the ultraviolet spectral range, further proxies
for the magnetic field became available. These include in particular the He II line at
30.4 nm, which is recorded by the EUV Imaging Telescope (EIT) on board the SOHO
spacecraft [376].

Besides on the inclination, µ = cos θ (where θ is the angle between the line of
sight and the local vertical direction on the Sun), on the size of magnetic features
and on wavelength, the exact value of the intensity contrast depends strongly on the
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Figure 19. Brightness contrast ∆I/I of, from bottom to top, (a) the continuum, (b) the core
of Fe I 525.02 nm, and (c) Ca II K vs. the magnetic field strength averaged over the spatial
resolution element of the observations. The observations refer to active regions (from [368]).

spatial resolution of the observations. At high resolution, (e.g., in the G-band) the
smaller magnetic features in the faculae break up into strings of small bright points
or elongated features lying in the dark intergranular lanes. Moreover, at very high
resolution, the size and shape of the bright structures changes with µ, so that it is even
unclear if the same magnetic features are seen as bright structures at different µ values
[377]. There are indications that bright features near the limb do not represent the
same magnetic structures as bright points at larger µ values [367, 371]. High-resolution
observations reveal that the tiny bright points disappear closer to the limb and are
replaced by larger bright ‘fans’ that appear as if the walls of the granules behind the
magnetic feature had brightened [377, 378] as shown in Figure 21. This figure also
suggests a 3-D structure of the visible solar surface, with the granules lying higher
than the intergranular lanes. The bright fan appearing behind magnetic elements
results from the larger transparency of the latter in comparison to the non-magnetic
atmosphere, so that the radiation comes from slightly deeper (and thus hotter) layers
of the granule behind the magnetic element (see Sect. 7.5).
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Figure 20. AR 10375 imaged with the Dutch Open Telescope in the G-band (upper frame)
and the core of the Ca II H line (lower frame). Figure courtesy of P. Sütterlin and R.J. Rutten.

7.5. Models and numerical simulations

Almost all models of magnetic elements or, more generally, magnetic flux
concentrations consider them to be some form of magnetic flux tube. Strictly speaking,
this term is restricted to axially symmetric structures, but it is often used for magnetic
flux concentrations in a more general sense. An exception are magnetic features
displaying translational symmetry, which are sometimes also referred to as flux slabs.
In the following we will refer to magnetic flux concentrations as flux tubes irrespective
of their exact geometry. Basically, flux tubes are bundles of nearly parallel field lines
whose cross section is bounded by a topologically simple closed curve. Often the field
lines are considered to lie almost parallel to each other (and almost parallel to the ‘axis’
of the tube), although structures with a twisted field (sometimes called magnetic flux
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Figure 21. G-band image of a plage region observed at an inclination of cos θ ≈ 0.5 with a
spatial resolution of about 70 km (a tenth of a second of arc) at the Swedish Solar Telescope
on La Palma (figure courtesy of V. Zakharov).

ropes) have also been considered in many investigations.
Flux-tube models of many types are known, differing in their level of generality.

An adequate working description of magnetic elements that satisfies many currently
available observations is provided by the thin-tube approximation [379, 380, 67]. A
thin-tube model can be considered to be the solution that satisfies the MHD equations
to lowest order in an expansion in radius (distance from the axis). Thus, the thin-tube
approximation should be a good assumption for the smallest magnetic elements, but
an increasingly poor representation of larger magnetic features. The approximation
basically neglects magnetic curvature forces and the internal structure of the flux
tube in the horizontal direction. The lateral force equilibrium is simply described by a
balance of total pressure: pe = pi +B2/2µ0, with the external gas pressure, pe, being
equal to the sum of the gas pressure in the flux tube, pi, and the magnetic pressure.
Consequently, the internal gas pressure of a flux tube with kG magnetic field in the
solar atmosphere reaches only 10–30 % of the value in its surroundings at the same
height.

In its simplest form the thin-tube approximation neglects temporal variations
and, in addition to lateral pressure balance, assumes hydrostatic equilibrium along
the field lines. Consequently, only the internal temperature profile as a function of
height remains to be specified (apart from the total magnetic flux and the value
of the field strength at an arbitrary height) in order to obtain a uniquely defined
model of a thin flux tube. If the radial expansion is carried to second order, the
approximation remains valid for somewhat thicker tubes [381, 382]. Other approaches
include combinations of a potential field with a boundary current sheet [383] or a full
solution of the magnetostatic equations for an axially symmetric flux tube [384].
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Comprehensive 3-D radiation MHD simulations (see below) suggest that
horizontal pressure balance is satisfied in the strong-field magnetic features to a high
degree, so that for many purposes a thin tube (or slender slab) is a good approximation
of magnetic elements. In addition, models based upon the thin-tube approximation
also satisfy a number of observational constraints. A major success has been the
explanation of the centre-to-limb variation of the continuum contrast of faculae (at
least as measured at a spatial resolution of the order of a Mm on the Sun). Owing
to the strong evacuation of the tube, the surface of optical depth unity (the visible
surface) drops by 100–200 km within the flux tube, similar to the Wilson depression
in sunspots. The temperature of the solar gas increases rapidly with depth, so that
the ‘side walls’ of the flux tube between the external and the internal levels of optical
depth unity tend to be rather hot and thus bright. Since the depression of the visible
surface is largely independent of the flux tube size, the ratio of width to depth of
the depression depends strongly on the diameter of the magnetic feature. This is
illustrated in Figure 17. The hot walls of narrow flux tubes are only seen if they
are located relatively close to the centre of the solar disc. At larger inclinations,
the backward wall gets hidden. For broader tubes this happens only much closer to
the solar limb [385, 386]. This simple geometrical concept qualitatively explains the
centre-to-limb variation of the continuum contrast [367, 371]. The details seen in the
highest resolution data, such as the bright fan behind magnetic elements near the limb
require more detailed models [387, 388, 389].

A number spectro-polarimetric observations can also be explained by relatively
simple models. As the gas pressure drops with height approximately at an exponential
rate, the magnetic field strength drops with

√
p and, to allow magnetic flux

conservation, the cross sectional area increases as 1/
√
p. Observations of Stokes V

profiles of Zeeman-sensitive spectral lines in the infrared and of chromospheric lines are
consistent with such gradients of the field strength [390]. The field strengths observed
in lines formed at different heights also support this model [337, 342]. The expansion
of the flux tubes, combined with their location in downflow lanes also provides a
natural explanation of the combination of asymmetric and unshifted Stokes V profiles
[391, 320].

The models discussed so far do not include an energy equation and thus do
not possess any predictive power for the thermal or dynamic structure of magnetic
elements. In order to reproduce such observations (e.g. line weakening or G-band
contrasts) and to obtain a better understanding of the physical processes acting in
and around magnetic elements, one has to carry out MHD simulations including a
proper description of radiative transfer. Similarly, static or stationary models have
no predictive power regarding the high field strengths of the concentrated magnetic
features. In order to understand the large observed values the formation process of
flux tubes must be modeled.

Closer to reality than the thin-tube approximation are 2-D MHD models of flux
slabs, either with [392, 393] or without imposed mirror symmetry [394]. In the former
case, the solution quickly reaches a nearly stationary state, in the latter case it turns
out to be very dynamic, with the flux tube swaying to and for as it is buffeted by the
nearby granules.

3-D simulations of solar convection have been very successfully carried out
[395, 396]. These simulations are fully compressible and take into account non-gray
radiative transfer and a realistic equation of state. They reproduce a wide variety
of observations [397, 398]. Similarly realistic 3-D MHD simulations of magneto-
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Figure 22. Snapshot of brightness (upper left), vertical component of the velocity field (upper
right), vertical component of the magnetic field (lower left), and magnetic field strength (lower
right) at the height of the (corrugated) solar surface deduced from a 3-D radiation MHD
simulation covering a region of 6×6 Mm on the solar surface [404]. The horizontally averaged
vertical magnetic field strength is 200 G. The correspondence between the color scale and the
physical quantity it represents can be deduced from the colour bars on the right of each panel.

convection have also been run for some time [399, 400]. Such simulations now
reproduce critical observations in detail [401, 402, 403, 404].

Figure 22 shows a snapshot of a simulation which was started with an
initially homogeneous and unipolar field of 200 G [402, 404]. The magnetic field
rapidly becomes concentrated in the dark downflowing intergranular lanes within the
convective turnover time of the granules. Values of over 2000 G are commonly reached
in the flux concentrations, in good agreement with the observations. In addition
to these strong fields, a weak field is also found everywhere in the simulation box.
The probability distribution function of the field strength has a peak at around zero
(very weak are present mainly above the granules) and drops off towards higher field
strengths. If the magnetic flux in the domain is small (e.g., an initial field of 10 G),
then the field strength drops almost exponentially (in agreement with observations
in the infrared [346]), although flux concentrations with kG field elements are still
present. This corresponds to the situation in the quiet Sun, which is best reproduced
by a mixed-polarity field with about 20 G average vertical field strength [405]. As
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the vertical magnetic flux in the simulation box is increased, a hump appears in the
distribution function of magnetic field strength at kG field strengths. This indicates an
increasingly large proportion of strong fields, which are mainly found in horizontally
elongated structures located along the downflow lanes (see Figure 22).

At values of the average flux density at the solar surface beyond roughly 200
G, the properties of the convection are strongly affected by the magnetic field. The
granules become smaller and more stable (compare with [406]), the downflow within
the magnetic features is quenched, with downflows now being concentrated at their
edges. This quenching of the downflow is clearly visible in Figure 22 at locations of
strong field. Also well visible is that the magnetic elements brighten, producing thin,
bright ribbons surrounded by the darker intergranular gas, very similar to what is
observed in high resolution continuum images. This enhanced brightness is caused
by radiation flowing into the evacuated magnetic feature from the sides (through the
hot walls). In realistic simulations, the flow of the radiative flux is followed [404] and
shown to behave according to the hot-wall model [385].

The (Wilson) depression of the visible surface in small magnetic flux
concentrations leads to an increase in the solar surface area, so that the elements
act like leaks in the solar surface and lead to a brightening of the Sun as a whole.
This excess radiation extracts energy from the gas in the convection zone. Owing to
the high effective thermal conductivity brought about by convective mixing, a part of
the deficit is distributed through the whole convection zone, so that a net increase in
the total solar energy flux results [301, 302].

The gas in the magnetic features is not entirely optically thin and a part of
the strong influx of radiation into a magnetic element is absorbed, especially in the
mid-photospheric layers. The absorbed radiation heats up the gas in the magnetic
element, so that at equal optical depth the magnetic features become hotter than the
surroundings, leading to the ionization of neutral species (i.e. to the weakening of
lines of neutral atomic species) and the dissociation of molecules. This qualitatively
explains the enhanced brightness of magnetic elements at particular wavelengths (e.g.
in spectral line cores) and in particular spectral bands (G-band and other spectral
bands populated by molecular spectral lines).

Quantitative and stringent tests of the simulations can be made by computing
spectral lines or whole spectral regions for each horizontal grid point of the simulation
domain. In the case of the high contrast G-band, approximately 300 CH and atomic
lines are computed for each horizontal grid point. The similarity with properties
of observed features is striking [407, 408]. The bright fan-like structures seen in
facular regions near the limb are also well reproduced by such simulations [387, 388].
This suggests that the simulations contain much of the relevant physics necessary
to describe the thermal structure of the photospheric layers of magnetic elements.
However, more tests, i.e. comparisons with observational data, in particular with
sensitive spectro-polarimetric diagnostics, are needed in order to probe other aspects
of the simulations.

The simulations show the ceaseless movement of the magnetic features as they are
buffeted around by the granulation. The concentrated magnetic flux moves along the
downflow lanes, carrying out something close to a random walk as granules are born,
evolve, and disappear. It becomes difficult to identify individual magnetic features
and, in particular, to determine lifetimes, since there is a constant transfer of flux
between them as concentrations of magnetic flux wax and wane. If features of opposite
polarity are close together, these dynamics leads to flux cancellation and to a steady
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reduction of the magnetic flux in the simulation box, if no additional flux enters it
from outside.

Considering that the photospheric magnetic field forms the footpoints of the
coronal loops, one of the effects of this permanent motion is that the field lines in the
corona, which are pulled along by the dynamic photospheric field, become braided.
As a consequence, tangential discontinuities and current sheets form, where the stored
magnetic energy can be released or dissipated [409, 410, 411] (see Sect. 8). It is evident
from the simulations that spatial scales below even the best resolution reachable by
current observations play an important role in this process.

7.6. Oscillations and waves

Magnetic elements support various wave modes, most of which have mainly been
studied theoretically. The observational evidence for flux-tube waves has been limited
to low amplitude oscillations, mainly at a period of five minutes [412, 413], although in
one case a shorter period oscillation has been reported [414]. It has been argued that
the observational evidence is so limited because the magnetic features are spatially
unresolved. If multiple magnetic features, each supporting an oscillation at a different
phase, are present in the resolution element, then the various oscillation signals at
least partly cancel. The interest in the study of such waves is driven by their potential
contribution to chromospheric and coronal heating.

Basically, there are three wave modes in a slender flux tube: a slow magnetosonic
mode called the tube wave, a transversal kink wave, and a torsional Alfvén wave. In
a flux tube with sound speed cs, Alfvén speed cA = B/

√
µ0ρi, internal gas density ρi,

and external density ρe, the three modes travel at the tube speed ct, the kink speed,
ck, and the Alfvén speed [379, 67], respectively, with

c2t =
c2s c

2
A

c2s + c2A
, c2k =

(
ρi

ρi + ρe

)
c2A . (7.3)

The Alfvén wave has no cutoff, so that any torsional oscillation excited in a flux
tube propagates while kink and longitudinal modes propagate only at frequencies
above their respective cutoff values [67, 415]. Studies of the excitation of such waves
generally concentrate on the effect of stochastic perturbations in the surroundings of
the flux tube [416, 417], which is similar to the excitation mechanism for the solar
global oscillations. In both cases, the perturbations are due to convection. The waves
differ in their propagation characteristics. The longitudinal tube waves are affected by
radiative damping [418] and easily form shocks with energy dissipation [419, 420]. The
kink modes are far less susceptible to damping and dissipation, while Alfvén waves
are not damped and easily reach the corona. Most accessible to observations are
the longitudinal waves [421, 422, 423] and these are the only ones for which positive
observational detections exist [414, 413, 412]. In order to detect the other wave modes,
the flux tubes need to be resolved near the solar limb, which is even harder than at
disk centre since due to foreshortening even more magnetic elements are present in a
given angular resolution element. In the case of torsional waves, individual magnetic
elements need to be completely resolved.

7.7. Internetwork and turbulent fields

Magnetic fields in the interiors of supergranules outside active regions were dubbed
internetwork fields, in order to distinguish them from the more readily detectable
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network fields [424, 364, 425]. The magnetic flux of a typical internetwork feature is
about 1016 Mx, which is 1–2 orders of magnitude smaller than the flux of a typical
magnetic element in the network. However, the emergence rate of internetwork
elements is so large that the total magnetic flux emerging in the form of the
internetwork field per unit of time is estimated to be two orders of magnitude larger
than the rate of flux emergence in the small (ephemeral) bipolar regions that regenerate
the network [14]. Internetwork elements emerge inside the supergranules and move
with the horizontal flow to the downflow lanes, where they merge or cancel with other
internetwork features or with network elements [426]. They have an estimated average
lifetime of around 2 hours, which is an order of magnitude lower than the estimated
lifetime of the network flux.

A controversy surrounds the intrinsic field strength of internetwork features.
Whereas observations of infrared lines indicate low intrinsic field strength of below
500 G [323, 346], recent measurements using visible lines [347, 348] suggest that the
field strengths are mostly in the kG range or are a mixture of weak and strong fields
[427]. It is at present unclear whether both types of observations are simply showing
fields populating different parts of a single, broad field-strength distribution [428], or
if there is a problem with one of the diagnostics.

Besides the relatively well studied internetwork fields a truly turbulent component
of the field has long been proposed. Field lines belonging to this component are tangled
on a very small scale, reaching to below the spatial resolution of current observations.
While initial searches using the Zeeman effect remained unsuccessful in detecting such
a field, they did provide upper limits [429]. More recent work has concentrated on
using the Hanle effect, which can detect weak fields even in the presence of an isotropic
distribution of magnetic field directions [430, 431, 432, 433, 434]. These measurements
suggest that a turbulent field of a few tens of Gauss may be present, although the
exact value (lying between 10 and 60 G) is still unclear. Recently, it has been proposed
on the basis of the Hanle effect of atomic and molecular lines that even much more
flux is hidden in the form of a turbulent field [435].

The origin of this turbulent field is at present completely open, with the same
mechanisms being discussed as for the internetwork field. The MHD simulations
indicate that the distinction into different types of magnetic features is artificial and
they all are part of a single distribution of field strengths. As the average field strength
increases, the spatial distribution and associated properties of the field gradually
change, from a turbulent field to flux tubes.

7.8. Influence of magnetic features on solar irradiance

The total irradiance of the Sun (i.e., its radiative flux integrated over wavelength, as
measured above the Earth’s atmosphere), is known to vary on all time scales observed
so far [436]. At the short end of the scale, at around minutes to hours, the variability
is dominated by the convection (mainly granulation) and the acoustic oscillations,
which contribute mostly at around 5 minutes. At longer time scales reaching up to
the solar cycle different causes of the irradiance have been proposed. These include
changes in the Sun’s internal thermal structure, R-modes [437], a toroidal, subsurface
field [438, 439] and the magnetic field at the solar surface [440, 441]. The variability
of the surface magnetic features as the dominant source of the observed irradiance
variations has been steadily gaining ground and is now well established. The most
developed models include the effects of both dark sunspots (and pores) as well as of
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Figure 23. Total solar irradiance measured by the VIRGO instrument on SOHO (solid line)
and synthesized from models of solar magnetic features and MDI magnetograms (stars). The
top panel shows the period between 1996 and 2002, while the lower panels show shorter stretches
on an expanded scale (from [442].)

bright magnetic elements. The spectra resulting from empirical model atmospheres
describing each type of feature are computed and the spatial locations of the features
(taken from magnetograms and continuum images) are also employed to synthesize
the irradiance. The resulting synthetic irradiance agrees very well with the observed
value [442, 443] (see Figure 23).

These investigations suggest that the surface magnetic field is responsible for
over 90% of the Sun’s total irradiance variations on time scales up to the solar cycle.
Such models also explain the apparent paradox that the Sun is brightest at activity
maximum when the number of dark sunspots its surface is largest. The magnetic
elements forming faculae, each of which is rather inconspicuous in white light compared
to sunspots, together cause a larger and, in particular, longer lasting brightening than
sunspots do. This has partly to do with the fact that faculae cover a considerably
larger area than sunspots. Also, the magnetic field composing sunspots decays into
smaller elements, producing bright facular regions, which can survive considerably
longer than the original sunspot. Finally, much of the excess emission from magnetic
elements comes from the upper layers of the photosphere (see Sect. 7.4) and thus
mainly contributes in the UV spectral range. Hence a significant fraction of the
facular contribution to total irradiance is not visible to detectors with a wavelength
sensitivity similar to the human eye.

8. The magnetic field in chromosphere and corona

The phenomena observed above the solar surface are so rich in variety (and so are
the names given to them) that here we can only mention the most common and most
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spectacular. Due to its dominance, the magnetic field in almost all cases is the key to
the physics behind them.

The study of the magnetic field in the atmospheric layers above the photosphere
however suffers from the fact that although it here exhibits a dominant influence it is
difficult to measure. We will first review briefly from which techniques we draw our
present knowledge about the chromospheric and coronal magnetic field, we then give a
phenomenological overview of some typical structures inferred from these observations
and discuss at the end some more fundamental aspects.

8.1. Measurement and modeling of the magnetic field

Imprints of the magnetic field above the solar surface are usually faint and can
sometimes be observed only indirectly.

At radio frequencies below about 3 GHz thermal bremsstrahlung from free
electrons in the upper chromosphere and lower corona can be observed by ground-
based radio antennas. This radiation propagates in the source region at a frequency
above the local plasma frequency in one of the two natural electromagnetic wave
modes, the o- or x-mode, depending on its sense of circular polarization with respect
to the local magnetic field direction. As the two modes are differently absorbed, the
radiation which finally escapes the birefringent corona retains a finite polarization.
The degree of polarization is to lowest order proportional to the magnetic field strength
along the propagation direction in the source region [444]. Above active regions and
sunspots with a strong magnetic field, the 3rd (occasionally even the 2nd) harmonic of
the electron gyrofrequency exceeds the local plasma frequency and the corresponding
gyro emission can escape the corona. The observed gyro harmonic frequencies are
typically above 1 GHz and are directly proportional to the magnetic field strength in
the source region (e.g., [445]).

At optical frequencies the emission lines from coronal ions are usually very faint
because the plasma density is low and the emissivity roughly scales with the square
of the density. In addition, the lines are extremely broadened due to a coronal
temperature beyond 106 K for the emitting ions. The Zeeman effect is therefore
difficult to detect and to be analyzed quantitatively to yield estimates for the magnetic
field strength. The conditions are more favorable at chromospheric heights (e.g., [446])
or in prominences (e.g., [447]) where the plasma is cooler and more dense.

The possibilities to resolve the Zeeman line shift also improve at infrared
wavelengths because the line splitting increases with λ2 while the temperature
broadening increases only linearly with the observing wavelength λ. For example,
combined Zeeman and Hanle effect measurements of Ca I emissions at λ = 850 and
854 nm have been made above sunspots [448] and of the He I line at λ = 1083 nm
above active regions [449, 450]. Form these spectro-polarimetric measurements the
full magnetic field vector could be retrieved in the low chromosphere and near the
base of the corona, respectively.

Successful attempts to detect the magnetic field in the hot corona above the
limb have for a long time been restricted to the observation of resonance scattering
of the forbidden line λ = 530 nm emitted by Fe XIV (e.g., [451]). The radiation is
excited at the transition from an excited state with a life time which greatly exceeds
the Larmor period imposed by the excited state’s magnetic dipole moment. The
observed orientation of the polarization axis of the scattered radiation then relates to
the orientation of the coronal magnetic field perpendicular to the line-of-sight.
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By a careful analysis of the Hanle effect together with Doppler shifts experienced
by solar wind ions on the resonantly scattered O VI line at λ = 103.2 nm the magnetic
field above the pole can be constrained to within a few G [452]. The longitudinal
Zeeman effect has only recently been successfully detected in the corona, 0.15 R�
above the limb for infrared emission lines from Fe XIII at λ = 1075 and 1080 nm
[453]. Other infrared lines which are useful for coronal Zeeman and Hanle effect
observations are currently investigated [454, 455, 456].

In spite of this recent progress our present knowledge of the magnetic field is still
largely based on extrapolations from photospheric magnetograms where Zeeman and
Hanle effect measurements are often routinely made from ground based observatories
(e.g., the Wilcox Solar Observatory, WSO, near Stanford, the Synoptic Optical Long-
term Investigation of the Sun, SOLIS, at Kitt Peak, the Vacuum Tower Telescope,
VTT, and the Heliographic Telescope for Solar Magnetic and Instability Studies,
THEMIS, on Teneriffe) and from space (Michelson Doppler Imager, MDI, on board
the SoHO spacecraft and the facilities on the upcoming Solar-B satellite).

Quasi-static extrapolations of the photospheric field into the corona are usually
justified by the drastic change of the role the magnetic field plays in the dynamics of the
photosphere on the one hand and in the corona on the other hand. The magnetic flux
which emerges from the solar surface is tightly anchored in the highly conducting,
massive and high β photosphere and is there pushed around at a typical speed of
1 kms−1. In the low β corona magnetic forces dominate and force imbalances are
transmitted along the magnetic field with an Alfvén speed of about 1000 kms−1. The
line-tied coronal field therefore immediately adjusts to the boundary flux imposed
in the photosphere while the photosphere hardly reacts due to its large inertia to
occasional rapid processes in the corona. However the height region sandwiched
between photosphere and corona, the chromosphere and transition region is much
more complex than many of the extrapolation models suggest and the impact of the
Sun’s lower atmosphere on these models has not yet been fully assessed.

To accomplish the extrapolation, different approximations to the full set of MHD
equations governing the magnetic field in the corona are used. In its simplest form, the
corona is assumed to be current-free and Gauss’ theorem is used to obtain a potential
field (or Laplace field) approximation of the coronal magnetic field which matches
the observed normal component on the solar surface and some reasonable outflow
boundary condition which mimics the solar wind impact on the field at a distance of
1-2 R� above the solar surface (e.g., [457])

In the low corona, the small value of β allows us to neglect pressure and gravity
forces to lowest order, so that in a stationary corona the Lorentz-force j×B must
approximately vanish. This requires j = αB for some yet unknown scalar α. The
vanishing divergence of the current density j has the consequence that α must be
constant along any given field line, (B · ∇)α = 0.

The coefficient α has the dimension of an inverse length and 1/α can be visualized
as the distance over which coronal currents induce perturbations in B of the same order
as the potential field strength. Values of |α| .10 R−1

� have been inferred from, e.g.,
vector magnetograph measurements [458, 459].

The force-free approximation however it is intrinsically nonlinear and if based on
boundary information alone, its calculation is a highly ill-posed problem (see discussion
in, e.g., [460, 461]). For this reason, a “light” force-free version is often employed where
α is reduced to a global constant (e.g., [462]; so-called linear force-free (or Taylor field,
[463]) which has its own physical significance as will be discussed in chapter 8.7 below).
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Figure 24. Highly structured loops above the limb taken in EUV from the TRACE satellite.
The loops could be viewed as materialized magnetic field lines. The TRACE telescope today
yields the highest spatial resolution for these type of images.

Besides, it is not quite obvious which boundary data is necessary and sufficient for
a unique nonlinear force-free field extrapolation. The invariance of α along the field
lines, for example, has the consequence that the overall flux conservation

∫
S
Brd

2x
= 0 normal to the solar surface S is replaced by the much stricter requirement that
for every value of α the differential flux

∫
dS(α)

Brd
2x must vanish. Here dS(α) is

the differential subsurface of S where α assumes a given value. Even more constraints
exist (see, e.g., [464, 465]) and various numerical methods have been proposed to solve
the force-free field boundary value problem [466, 467, 468, 469, 470, 471, 472].

Full MHD models are required if the outer parts of the corona are to be included
where β approaches unity. Quasistationary solutions can either be obtained by
relaxation [473, 474] or from solving a variational problem (e.g., [475]).

With the advent of space missions like Yokhoh, the Solar and Heliospheric
Observatory (SoHO) and the Transition Region and Coronal Explorer (Trace) high
resolution images with high cadence rates became available from coronagraphs, UV
and X-ray cameras. Their data show the radiation from plasma which has risen from
hot spots in the chromosphere upwards along individual field lines and thus trace out
thin magnetic flux tubes in the corona . As an example Fig. 24 displays loops above
the limb observed by the TRACE satellite. The images of these loops therefore tell us
much about the topology of the coronal field and the changes it undergoes by quasi-
static line-tying and also when the field configuration becomes eruptive (see the recent
review [476]). The image data now are available with both high spatial and temporal
resolution so that quantitative 3D reconstructions from the observed 2D projections
are being attacked to verify magnetic field extrapolations from surface magnetograms.
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Figure 25. Magnetic field above a set of magnetic elements located at the edge of supergranule
cells (lines on the solar surface). Part of the field lines open to the corona while the carpet field
connects elements of different polarity flux on the surface. The field lines are calculated from a
potential field model.

8.2. Chromospheric network, canopy and carpet

As described in chapters 3 and 7, the magnetic flux which emerges from the
photosphere is not distributed smoothly over the solar surface but highly concentrated
in small flux elements. The upper photosphere and chromosphere form a relatively
cool layer up to a height of several 1000 km above the visible surface where the plasma
density and pressure decrease with a scale height of only a few 100 km. As a result
the flux elements in turn widen their horizontal cross section (see Fig. 18)to keep the
pressure balance with the surrounding plasma. Eventually, individual flux tubes are
bound to merge with flux of equal polarity or bend into magnetic arches to connect
to flux elements of opposite polarity as sketched in Fig. 25.

The horizontal fields at the bottom of the ‘wine glasses’ and of the lowest
arches and formed this way above the supergranulation cells constitute the magnetic
canopy. Observations have shown that in the quiet chromosphere the flux tube
expansion is relatively gentle, the filling factor is small so that the flux tubes merge
only in the chromosphere and form a canopy base at about 1000 km above the
photosphere. In active regions the magnetic filling factor is enhanced beyond 50%
in the upper photosphere [237]. Consequently, neighboring flux tubes merge already
in the photosphere [342]. In sunspots, this expansion is so rapid, that the formation
of a layer of horizontal fields occurs already in the mid photosphere.

Some observations yield evidence for a particularly rapid expansion of the
magnetic field in the lower chromosphere leading to the formation of a nearly horizontal
field canopy at a height of roughly 800 km above τ=1, cf. [477, 478, 479, 480].
It has been shown that magnetic canopies at these heights can be produced if the
chromosphere is very inhomogeneous in temperature, with hot flux tubes and cool gas
in between them [481]. The necessary inhomogeneity of the chromospheric plasma
was proposed by [482, 483] and [484]. Recent observations of CO molecular emissions
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Figure 26. Hα image taken by B. de Pontieu with the Swedish Vacuum Solar Telescope
(SVST). The dark elongated fibrils are radially arranged around a group of small sunspots
indicating strongly diverging field lines emanating from the sunspots

in the infrared seem to confirm this highly structured lower chromosphere [485]. The
plasma β is just at the verge between values � 1 in the photosphere to � 1 in the
upper chromosphere. Hence, the canopy fields may have some influence to thermally
insulate the plasma and to sustain the temperature inhomogeneity.

Magnetic arches above the canopy up to the height of the transition region
typically span larger horizontal distances of several 104 km and more. These field
structures make up the magnetic carpet [486]. Again, temperature and plasma density
and flow vary enormously among these flux tubes. Cool chromospheric material and
hot coronal plasma may lie side by side with neighboring magnetic arches separated
only by some 103 km [487]. Images taken in Hα disclose the horizontal direction of
these arches and hence of the predominant horizontal field direction in this height by
the orientation of fibrils at the edges of plages and in the neighborhood of filaments.
In these images fibrils are visible as elongated dark threads (see Fig. 26).

The distinction between the lower chromospheric internetwork plasma, the canopy
as the lowest magnetic layer and the carpet field above is not very precise and has
been critizised [488] since even the internetwork region is not entirely field free (see
chapter 7.7). Hence, with smaller flux elements being taken account of, Fig. 25 would
have to be extended by a large number of low flux magnetic connections to the surface
area inside the supergranulation cells.

8.3. Coronal holes and plumes

Coronagraph observations reveal a striking inhomogeneity of the Sun’s corona and
demonstrate the enormous influence the magnetic field has in structuring the Sun’s
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Figure 27. Bright magnetically closed coronal regions in an X-ray image of the Sun from the
YOHKOH spacecraft. The dark polar regions are coronal holes from which the magnetic field
escapes into the heliosphere.

atmosphere. An extended part of the solar surface, about 20-30%, is covered by
coronal holes. These are surface regions which are magnetically connected to the
outer heliosphere [489, 490, 491, 492, 493]. A local dominance of photospheric flux
elements of one polarity provides a net field of about 10 G or more at the coronal base
which feeds the open flux.

There is no containment of plasma possible on these open field lines but the
plasma is blown away from the Sun along the open field lines to feed the fast solar
wind [494]. Already down at the coronal base blue shifts of as much as ' 3 kms−1 have
been observed [495]. The plasma density on these field lines is therefore reduced by
almost an order of magnitude compared to regions in the corona which are permeated
by magnetically closed field lines [496]. The reduction in density reaches down to the
base of the corona. Since emission intensities in X-ray and EUV lines roughly scale
with the plasma density squared, coronal holes are clearly distinguishable by the lack
of X-ray and EUV emission (see Fig. 27).

The flux imbalance in a coronal hole not only controls the net magnetic flux that
can effectively penetrate the chromosphere and transition zone but also influences the
height, length and hence temperature of the resulting closed field arcades. The larger
and hotter loops are found strongly underrepresented in the coronal hole relative to the
quiet Sun, while shorter and cooler loops are almost equally present in both regions.
This additionally contributes to the darkening of coronal hole areas [497]. Only for
emission lines formed at temperatures below about 7 105 K, the intensity difference
between coronal holes and the closed-field quiet Sun regions appear less pronounced
[498, 499].

Another indicator of coronal hole regions on the solar surface are observations of
the chromospheric He I 1083 nm line made regularly at Kitt Peak Observatory. This
line appears brighter in coronal holes than on closed field line regions. The physics
behind this radiation process is, however, very complex.

The shape and distribution of coronal holes on the Sun’s surface changes
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Figure 28. Polar plumes over the Sun’s southern coronal hole during times of low solar activity.
The almost radially extended density striations outline the direction of the open magnetic field
from the south pole. (from [502]).

drastically during the 11-year’s activity cycle. At activity minimum coronal holes
are concentrated at high latitudes and cover, with opposite magnetic polarity, the
polar caps of the Sun almost entirely down to about a latitude of 50◦ - 60◦. The
coronal whole then occupies about 20% of the solar surface with an average magnetic
flux density of 5-10 G [493]. The latitudinal average flux density below 50◦ cancels to
less than a Gauss [500].

At activity maximum, coronal holes are distributed in patches all over the solar
surface, sometimes linked by “narrow coronal hole channels” to one of the polarities
of a larger bipolar region. These channels sometimes extend over a good fraction of
R� and may also cross the equator. Relations between the coronal hole shape and the
lowest multipole moments of the magnetic surface field during solar maximum have
been derived by [501]

A large fraction of the open magnetic flux at these times escapes from active
regions and their neighborhood. The enhanced field strength in these areas is
compensated by a smaller overall coronal hole area of only 5-10% of the solar surface
[493], so that the open flux is remarkable stable over the solar cycle.

At solar minimum some magnetic flux tubes which emerge out of a coronal hole
are visible against the dark background sky in coronagraphs or EUV images as polar
plumes. These are occasional field aligned plasma striations with a life time of several
days. The photospheric origin of plumes is newly emerged small bipolar flux [503]
which reconnects with the background coronal hole field. The reconnection seems to
provide the heating needed to support the enhanced density inside the plume flux tube.
Enhancements by a factor 5 and more with respect to the coronal hole background
density have been observed [504]. The plasma outflow speed into the solar wind from
plumes, however, seems to be reduced [505, 495].

8.4. Active regions and loops

The brightest objects in EUV and soft X-rays images of the Sun are active regions.
They are associated with strong magnetic bipolar regions on the Sun’s surface. These
regions form within a few days as massive amounts of magnetic flux break through
the solar surface. They are irregularly shaped, sometimes arranged in groups but
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Figure 29. Bright active regions in the EUV image taken by the EIT instrument of the SoHO
spacecraft. The image is actually a composite of images taken at three different wavelengths
(17.1, 19.5 and 28.4 nm) and superposed in blue, green and red. The solar surface background
appears dark because the continuum radiation from the cool surface at these wavelengths is
well below the emission from the hot coronal loops. On the Sun’s limb active regions loops are
distinctly visible.

Figure 30. Details of bright loops above an active bipolar region seen in EUV wavelengths
by the TRACE spacecraft.
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they are always arranged in the same longitudinal order (“Hale’s Law”, see 3.2.2).
Magnetic flux densities of up to 100 G and more can be reached in the lower corona
above a strong bipolar region. The lifetime of active regions may extend over many
solar rotations though they start to diffuse after one or two weeks which gently
reduces the flux density and the overall (absolute) flux that can build up in the lower
corona. Differential rotation together with the diffusion also causes a characteristic
deformation of the active region towards the end of its life time (see Fig. 1).

Flux tubes emerging from an active region are filled with plasma which is
markedly hotter than elsewhere in the Sun’s atmosphere and makes them distinctly
visible in EUV images (Fig. 30) as loops which magnetically connect the opposite
polarities of the bipolar region. Which physical mechanism provides the heating
energy is still an active area of research. The enhanced density scale height on
flux tubes rooted in active regions makes them distinctly visible in EUV and soft
X-rays and also in optical emissions from ions which form at temperatures well above
106 K. An example is the forbidden green corona line at λ = 530 nm emitted from Fe
XIV. Positive correlations between the emissivity at various wavelengths and the field
strengths at the foot points of the respective field line have been derived by several
authors [506, 507, 508]. Hence there is strong evidence that the magnetic field is an
important ingredient in the heating mechanism for coronal loops.

Comparisons of extrapolation models (see chapter 8.1) of the coronal magnetic
field with the observed shapes of field lines in EUV images help to estimate the electric
current strengths which flows along these field lines. Especially in active regions these
currents may be appreciable and lead to marked deviations of the shape of observed
loops and their models based on a potential field [509, 510, 511, 512, 513]. A substantial
current was also found by [514] when they tried to match their field extrapolation to
the loops observed by [449] near a young active region.

Loops visible in EUV images which emerge from active regions appear
astonishingly thin even though simple field extrapolation predicts a widening of
the flux tube’s cross section with height (see Fig. 24 and discussion by [515]). An
explanation for this observation might be that at lower heights the emitting flux tubes
are so thin in diameter that they cannot be resolved and the widening of the cross
section therefore remains undetected. Also, unresolved fragmented bundles of emitting
loops (“multithreads”) of different temperature and density have been proposed to
explain the non-isothermal emission observed from these loops [516, 517, 518]. As an
alternative explanation a twist of the thin flux tubes has been suggested [519, 520, 515].
This requires a field-aligned current which induces a toroidal magnetic field and a
magnetic curvature force which then keeps the flux tube concentrated on a small cross
section like in a plasma pinch device in the laboratory. Simulations have shown that
as the current increases, the loop axis also rises, and eventually becomes distorted off
the loop plane into an S-shape. Finally, Mikic et al. found that the loop is driven
kink unstable if the number of turns over the whole loop length exceeds about 2.4
[519, 520].

In soft X-rays and less pronounced in EUV, the expected S-shape deformation
of bright loops is indeed observed (“sigmoids”; see, e.g., [521, 522]). The sense of
the S reflects the sign of α or of the current helicity density j · B [523] on the
respective magnetic flux rope. This sign has been found to be almost unique on
either hemisphere but reversed with respect to the other hemisphere (“hemispheric
helicity law”; [524, 525]). Why the S-shape for EUV loops is not as apparent as for
X-ray loops is not clear. The former are usually lower, shorter and therefore may be
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Figure 31. Dark filament lying above the surface of the Sun in an image taken at the emission
line of Hα by the Big Bear Solar Observatory (BBSO). The cool filament material absorbs the
Hα radiation from the surface so that they appear dark on the solar disk. Closer to the equator,
a bright active region with smaller filaments in the neighborhood

more stable against an S-shape distortion than the higher reaching X-ray loops.

8.5. Filaments and helmet streamers

Regions of opposite polarity of the radial magnetic field in the lower corona are
separated by a neutral line where the vertical magnetic flux at the coronal base changes
sign. Often, especially in the vicinity of active regions and sunspots, filaments are
stretched out above the neutral line. A filament is a vertical sheet of cool and high
density plasma with temperature of about 104 K hovering some 104 to 105 km above
the photosphere. Often they stretch out horizontally over 105 km and more. Due
to their high density, the filament material is optically thick. On the disk, filaments
therefore absorb the solar surface emissions so that they appear dark (Fig. 31). When
observed above the limb, their dense plasma intensively scatters the solar radiation so
that they are seen as bright prominences. A good account on the observational facts
about filaments can be found in [526] and [527]. Depending on the activity of the
neighborhood, filaments also show some activity but in general they are remarkably
stable and resistant to nearby perturbations. Filaments originally formed above the
neutral line between the poles of a bipolar active region often survive the active region
as a quiescent prominence by weeks. The more astonishing is that many filaments
sometimes disappear after days and weeks of quiescence in a sudden eruption within
a few hours.

Closer inspection in the wings of Hα and in EUV Doppler shifts reveal a
considerable, presumably field-aligned mass flow. The fact that the filament mass
does not simply rain down onto the solar surface can only be attributed to magnetic
fields which suspend the plasma against gravity. Also, their apparent stability on the
one hand and the vigor of their eruption on the other hand are evidence of an energetic
magnetic field system which extends far beyond the visible filament.

DR.R
UPN

AT
HJI(

 D
R.R

UPA
K 

NAT
H )



The solar magnetic field 64

Hanle effect measurements of the magnetic field that permeates the dense, cool
prominence material reveal flux densities of 5-10 G for quiescent prominences but may
locally reach up to 100 G in more active ones [447, 526]. The field inside the filament
is found to be almost horizontally oriented with a considerable component elongated
along the filament axis, i.e., along the neutral line underneath. Leroy, Bommier and
coworkers found an average angle of the filament magnetic field with respect to the
neutral line of 40±30 degrees [447]. The component perpendicular to the neutral line
was in the vast majority of cases found in opposition to the polarity of photosphere
below (“inverse polarity law”). Also the orientation of the field component along the
neutral line was found to be systematic (“chirality law”): if p̂ denotes the horizontal
unit vector normal to the neutral line in normal-polarity direction (i.e., from magnetic
“+” to “−”) and ẑ the vertical unit vector then the field component along the neutral
line is always in direction of p̂×ẑ in the northern hemisphere (“dextral”) and in −p̂×ẑ
direction in the southern hemisphere (”sinistral”). The rules for two components of
the field inside the filament seem to hold independent of the solar cycle and can be
expressed in brief as Bfilament = ap̂ + bp̂ × ẑ where a and b have the same order of
magnitude with a < 0 (“polarity law”) and b > 0 or < 0 on the northern or southern
hemisphere, respectively.

Figure 32. Field lines of the numerical model for a filament [528]. The shading on the ground
denotes the surface field strength. Note the central helical flux tube enclosed by an outer arcade
field.

The simplest field topology which properly connects the photospheric field and
the field observed inside the filament is originally due to Kuperus and Raadu [529]
and has been further extended to 3D by numerous authors ( e.g., [530, 528, 531]).
Fig. 32 displays the field configuration assumed to exist in the vicinity of a filament.
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Figure 33. White light coronagraph images of the solar eclipses 1980 (left) and 1991 (right).
In the right image helmet streamers extend out to beyond three R� in all directions at times of
high solar activity 1980 while they are more concentrated at lower latitudes during times of more
moderate activity as on the left example (images courtesy of the High Altitude Observatory).

It involves a twisted magnetic flux rope, stretched along the neutral line, which gives
the necessary support to the cool filament plasma in the upwardly curved pockets of
the helical field [532]. In these heights, the horizontal p̂ component of the magnetic
field, belonging to the flux rope, is directed in inverse polarity direction. At the bottom
of the flux rope closer to the surface, this field component eventually has switch to
normal polarity and the field components in a plane normal to the neutral line describe
a saddle point. The location of these saddle points for all planes along the flux rope
are referred to as the “x-line”. Hence the filament material is thought to reside above
the x-line at the bottom of the flux tube in a height where the magnetic field is about
horizontal and is directed in inverse polarity direction, as observed.

The twist of the flux rope relates the observed geometrical chirality to the more
physical current helicity density j ·B. With the above model, dextral filaments would
have a flux rope with negative current helicity, sinistral filaments need positive current
helicity. This way, the chirality law also agrees with the hemispheric helicity rule for
the sigmoid distortion of X-ray loops mentioned in the previous section. In fact, the
surface current helicity density observed by vector magnetographs in active regions
and sunspots where the field intensity is strong enough to be reliably measured shows
a clear dominance of the sign expected from the helicity rule on either hemisphere
independent of the solar cycle [533, 459].

Also other observed features like the orientation of the filament barbs (see the
filament ‘legs’ in Fig. 31) and the horizontal field orientation derived from fibrils
(Fig. 26) in the filament channel comply with the above general hemispheric chirality
or helicity rule (e.g., [524, 534]).

The filament magnetic field model also complies with the general orientation
found for coronal X-ray arcades which span the neutral line at heights well above a
filament [535]. The magnetic arcade field often continues outwards to more than a
solar radius. Limb observations with coronagraphs of the corona above a neutral line
reveal, if seen head-on, a helmet streamer above the polarity inversion separated from
the filament by a cavity of depleted plasma density (see Fig. 33). The cavity may reach
out above the Sun’s surface for a fraction of R� while the tip of the helmet streamer
extends to 2 R� or more. The cavity and the inner edge of the helmet streamer show
the concave shape which we expect from the magnetic field lines of an arcade above a
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neutral line. The outer edge of the helmet streamer, in contrast, is straightened out
into interplanetary space and joins into the heliospheric current sheet. Coronagraph
observations with Lasco/SoHO show that these cusps may be the source region for the
dense, slow solar wind [536]. At times of small coronal activity, the streamers extend
almost two-dimensionally in azimuthal direction and cover the lower heliomagnetic
latitudes (“streamer belt”). Whether the helmet streamer magnetic field possesses a
significant longitudinal component along the neutral line underneath like the filament,
a feature which seems to be present in according MHD models [473], has not yet been
observed.

While the Kuperus-Raadu flux rope magnetic field topology for the filament
is widely accepted, there is still a debate about how the flux rope is formed,
what gives this configuration its stability and how the stable field configuration
may turn into a filament eruption within hours. For the genesis of filaments
shear motion of the field line foot points along the neutral line with either flux
cancellation (e.g., [537, 538, 539, 530, 540]) or emergence of properly wound flux
(e.g., [524, 541, 542, 543, 522]) have been considered. Least understood, however, is
the eruption process. It often starts with a slow rise of the filament and the arcade
field a few hours before both are rapidly lifted upwards (see Fig. 34). Following the
eruption, a set of loops across the neutral line are left behind which brighten in EUV
and X-rays (“post-flare loops”, see Fig. 36). The chromosphere at their feet on either
side of the neutral line starts to radiate intensively in Hα (“two-ribbon flare”). More
observational details and also conceptual ideas about filament eruptions have been
collected by, e.g., [544].

Tens of Minutes to an hour after the eruption coronagraphs reveal large parts of
the overlying helmet being blown away into the heliosphere as a coronal mass ejection
(CME). In many cases the quiescent three-part structure, i.e., filament - cavity -
helmet, is maintained in the ejecta. Often the filament material, distinctly visible
in coronagraph observations, displays the helically twisted structure of the original
filament flux rope (see Figs. 35 and 37) The imprint of this helical structure can still
be observed in-situ at 1 AU in the magnetic clouds into which the CME evolves as it
propagates into the heliosphere [545, 546, 547, 548].

The few phenomenological facts presented so far convincingly demonstrate the
overwhelming role of the magnetic field in the Sun’s atmosphere. For the remaining
part of this chapter we would like to turn the logic around: given the dominance of
the magnetic field in the corona, one can derive certain characteristics or constraints
of coronal processes. Again due to lack of space we can touch only few of the issues
discussed in the present literature.

8.6. Magnetic surfaces and null points

The magnetic field induces a structure into space: the high mobility of charged
particles parallel to the field compared to their perpendicular mobility brings points on
the same field line into a physical neighborhood even though they may geometrically
be far apart.

In laboratory plasma devices with some symmetry imposed by the boundaries of
the plasma chamber, field lines may ergodically cover whole surfaces. These magnetic
surfaces are then spanned locally by the divergence-free fields B and j and can be
labeled by the local plasma pressure p since ∇p = −j×B is normal to these surfaces.
In the force-free limit when the pressure p becomes negligible, surfaces α = const can
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Figure 34. Eruption of a small filament observed by TRACE. The initial location of the
filament is at the tip of the arrow in the first panel.

Figure 35. Cool filament material just after eruption carried high up into the corona by
magnetic forces as observed by the EIT instrument on board SoHO.

play a similar role. Since α is constant along a field line, any α contour on the solar
surface maps to a surface in a force-free field corona. These nested surfaces are an
important concept if, e.g., we want to define what exactly we mean by a flux tube or
flux rope. It is possible however at least for some regions of the corona, that the flux
distribution on the solar surface is so heterogeneous and the related magnetic surfaces
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Figure 36. Post-flare loops arranged in an arcade crossing the magnetic neutral line. The
EUV image was taken by the TRACE spacecraft

Figure 37. Sequence of images showing the eruption of coronal mass into the heliosphere
observed by the LASCO coronagraph on board the SoHO spacecraft.
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are so eroded that constant-α contours and surfaces are no longer useful.
Another concept to order magnetic-field-permeated, 3D space is by topological

connectivity. Provided we can separate the surface flux in an enumerable set of
localized flux elements, field lines which connect the same source elements may be
defined a flux tube. Obviously, the surfaces of these flux regions are particularly prone
to reconnection. Especially those points, where the magnetic field vanishes have been
found to be critical for the stability of the magnetic configuration [549]. In a 2D
geometry, the x-lines as they exist below a filament flux rope, are the preferred site of
reconnection. In a 3D magnetic field configuration, however, it turns out that lines of
vanishing magnetic field strength are structurally unstable: a slight random change in
the field components dissolves a |B|=0 line into a number of individual |B|=0 points.
Only these |B|=0 points (“null points”) are stable since small changes in any field
component make the point move but do not destroy it. Magnetic null-points have
therefore attracted quite some attention recently [550, 551, 552, 484].

Obviously, the way we defined flux tubes above, a null-point has to lie on
the surface of a flux tube. The field in its neighborhood can be approximated
by the first term of its Taylor expansion B= (∂B/∂x) · (x − x0) and is therefore
topologically determined by the Jacobian matrix (∂B/∂x). Its eigenvalues and
associated eigenvectors determine the orientation of a fan plane and an orthogonal
spine direction formed by field lines which pass close to the null point as sketched
in Fig. 38 [550]. At larger distances from the null point, the field lines on the fan
extend to a surface (“separatrix”, as this surface separates differently connected flux
regions), and the spine extends into a singular field line. The whole set of interwoven
null points, fan surfaces and spines form what is often referred to as the skeleton of a
magnetic field.

In the region near the null point energetic plasma may be locally trapped and
isotropized because the mirror force prevents it from escaping both along the spine
and, somewhat less effectively, along the fan. It has been found that the intersection
line of fans of related null points, the so called separator, is particularly prone to
reconnection (e.g., [549, 553, 554]). Priest and coworkers investigated systematically
the changes of the skeleton of a potential field with respect to changes of surface
magnetic elements (e.g., [555]). These topological changes indicate the state towards
which a real plasma might want to relax. If this state is topologically different ( i.e.,
has a different skeleton) from the original state, it can only be reached by reconnection
taking place.

8.7. Energy and helicity of the coronal magnetic field

The energy output from the chromosphere and corona is considerable: about 1000 and
300 Wm−2 are the estimated mean outward energy flux density from the respective
atmosphere layer of the quiet Sun [556, 557] into EUV and X-ray radiation, electron
heat conduction and into the solar wind. Individual active regions and bright loops
radiate locally up to 104 Wm−2 (e.g., [558, 559]). Large CMEs have been estimated
to release up to 1026 J within minutes [560] which is comparable to the radiative loss
of the whole corona during one or two days.

According to a concept promoted by Parker in a series of papers, (e.g., [561, 410]),
large flares and CMEs are just the bottom end of eruptive processes on all scales which
convert magnetic energy into heat and bulk plasma motion. The source of this energy
is assumed to be the continuous motion of the foot points of magnetic field lines which
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Figure 38. The magnetic field lines through the vicinity of a coronal null point (at z ∼0.6) of
the potential field due to four magnetic surface elements (full dots on the surface, the magnetic
sign of the surface elements is color coded in red and green). The spine connects to the element
on the right side and leaves the box on its left end. The two reversed polarity elements on the
front and rear side lie on the curved fan surface. Two further null points in the photosphere
are indicated by a small stick/disk which shows the orientation of their respective spine/fan. A
fourth null point is located underneath the photospheric surface.

leads to a stretching and braiding of the coronal field. The energy flux induced by
this surface motion is easily estimated if the frozen-in condition E = v×B is used in
the Pointing flux vector component normal to the solar surface. The resulting power
transported through the solar surface is (here and below, subscripts h and r refer to
the horizontal and radial components on the solar surface, respectively)

PE =
1

µ0

∫
photosphere

(
B2
hvr − (Bh · vh)Br

)
d2x (8.1)

PE has two terms which are the contributions from flux emergence/cancellation
and from work done by line-tying against magnetic stress. Both terms are highly
fluctuating and their averages are not straightforward to estimate. Parker argues that
the line-tying term alone can yield the power necessary to explain the radiative output
of the corona while the term due to flux emergence and cancellation rapidly changes
sign and gives only a minor contribution to the energy balance. The contribution of
the line-tying term can be estimated if we regroup the respective surface integration
measure Br d

2x pairwise into the flux elements at the conjugate foot points of the
closed flux tubes. With B ' 1-10 G, and a mean foot point separation velocity of '
1 kms−1 we obtain the order of magnitude of the quiet Sun energy flux density.

Parker’s key paradigm to explain the conversion of this energy input into coronal
heat is the conjecture that even if the foot point motion has only moderate gradients,
the magnetic field driven by it will eventually develop arbitrarily thin current sheets.
These will probably dissipate intermittently in small reconnection events. Field lines
which encounter a null point may play an important role in this development of current
sheets. Their foot points are close to each other at one end but far separated at the
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other so that they may well experience a distinctly different shear.
The emergence of new flux from below the photosphere (first term in the integrand

of eq. 8.1) provides another source of current sheet formation. Indeed, many flares are
observed to occur near young active regions [562, 563]. First direct evidence for the
existence of a strong current sheet in the vicinity of newly emerged flux was obtained
only recently [449].

Indeed short duration flares and explosive events are observed with a broad range
of energies in EUV and X-rays. Their statistics shows an energy dependent occurrence
rate of f(E) ∝ E−η with η ' 1.8 - 2.6 [476, 564, 565, 566] down to energies of E =
1017 J. An exponent η larger than 2 implies that the small energy flares contribute
most to the heating of the corona. The total energy input into the corona would in
this case depend on the minimum possible flare energy.

It is still controversial, however, whether these frequent, small-energy flares
by themselves yield enough power to explain the heating of the corona entirely.
Alternative and additional heating mechanisms involve continuous ohmic heating by
DC currents (e.g., [567, 568, 411, 449]) and dissipation of waves (e.g., [569],chapter 3
of [570],[571, 572]). Some fraction of the free energy available in small scale flare
events will probably be released by exciting one or more of the MHD wave modes.
Wave activity and oscillations are observed in the chromosphere and corona in a
broad range of frequencies. Spectral line broadening beyond the expected thermal
width is often interpreted as due to high-frequency turbulent or wave induced plasma
motion. Oscillations of the super-granular plasma with a 3-min period are a prominent
feature in chromospheric Doppler shifts. In the corona, transverse Alfvénic loop
oscillations at periods of 200-300 s (e.g., [573, 574]) and slow mode type compressional
oscillations at even longer frequencies [575] have been observed. Their damping and
hence their contribution to coronal heating is, however, still a matter of research [576].
Besides quasiperiodic variations, an increasing, seemingly random, dynamic variability
is observed in EUV images, the finer the observational resolution. Some authors [577]
take this as evidence that coronal heating occurs rather erratically and on small time
scales.

Less controversial than the minimum flare energy is the maximum possible energy
released in a large flare or CME. These major eruptions though they are highly
dynamic in the corona are not able to change the magnetic flux distribution in the
photosphere. A lower bound of the magnetic energy the corona will retain after the
eruption therefore is the minimum magnetic energy state which complies with the
surface boundary conditions. This state is given by the associated potential field. If
in addition to the fixed surface field, we require a certain amount of relative helicity to
remain in the corona, the minimum energy state is that of the respective constant-α
force-free field (Taylor field, [463]). If in addition to the normal component of the
boundary field we impose a connectivity map to the boundary, the nonlinear α force-
free field which complies with this connectivity has the least magnetic energy (see
[578, 579, 465, 580]).

The amount of energy which can be set free by a large flare is therefore limited
by the energy difference of the field prior to the flare to the energy of one of the
above minimum-energy fields for the same surface magnetic flux distribution. There
is strong evidence that the eruptions are enabled by field line reconnection which
alters the connectivity of the foot points. It has further been found that reconnection
hardly changes the overall helicity [581, 582]. Field line reconnection is a rather local
process while the helicity, e.g., of a flux tube, resides in its twist or, equivalently, in
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the toroidal flux which in equilibrium is evenly spread out all along the flux tube. If
flux tubes with different twist reconnect the toroidal flux from each of the reconnected
ends redistributes along the newly formed tubes by means of Alfvén waves. The total
helicity is almost conserved, but due to the mixing of toroidal flux the difference in
helicity per unit length between the new flux tubes is less than the difference was
between the old ones. Hence reconnection tends to equalize the helicity among the
reconnecting flux tubes [582] and drives the plasma towards a constant-α state. The
lowest energy state of the field above the solar surface we can expect on these grounds
after a large flare will therefore be the linear force-free field. But even this is probably
an underestimate because α will only be leveled out on those flux tubes which were
involved in a reconnection process and not in the whole of the corona.

The above minimum energy estimates of the potential or linear force-free field
can be calculated from the observed surface field Br, using the extrapolation methods
mentioned in chapter 8.1. An energy estimate of the actual field before the flare is
much more of a problem. In principle it should be possible to obtain such an estimate
by the virial

∫
r · fd3x (e.g., [465]) over the total force density f in the plasma. In the

MHD approximation and conventional notation,

f =
1

µ0
j×B−∇p− ρGM�

r2
r̂− ρ(v · ∇)v (8.2)

Inside a stationary corona, f should vanish and so should the virial, independent of
where we place the origin of r. With r at the Sun’s center we obtain after partial
integration

1

2µ0

∫
corona

B2 d3x =

∫
corona

(
ρ
GM

r
− 3p− ρv2

)
d3x

+

∫
coronal boundaries

( 1

2µ0
B2r− B

µ0
(B · r) + pr + ρ(v · r)v

)
· n d2x (8.3)

The inner boundary of the corona is chosen as the coronal base at r ' R� where the
non-magnetic forces are negligible and the surface normal n points towards the Sun’s
center. The contribution to the surface integral in (8.3) from the outer boundary of
the corona is usually neglected. With B sim r̂ beyond r sim 2.5 R�, the integrand of
the surface integral decreases in magnitude and changes sign as the solar wind v sim
vr r̂ increases beyond about the Alfvén speed. With these simplifications

1

2µ0

∫
corona

B2 d3x =

∫
corona

(
ρ
GM

r
− 3p− ρv2

)
d3x

+
R�
2µ0

∫
coronal base

(B2
r −B2

h) d2x (8.4)

remains which yields the magnetic energy in terms of the surface field and some minor
non-magnetic contributions which may be neglected in a first approach.

The problem with eq. (8.4) is, however, that the magnetic surface field is mostly
observed in the photosphere where the force-free condition may not yet hold and not
at the coronal base [446, 461]. How errors in the surface observations, especially in
Bh may seriously affect eq. (8.4) is discussed in [583]. Yet it is instructive to consider
some consequences of eq. (8.4) more closely.

If the coronal magnetic energy is enhanced by line-tying as in eq. (8.1) we cannot
expect a systematic change of B2

r to account for the increase in magnetic energy on the
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right hand side of eq. (8.4). Consequently, B2
h in eq. (8.4) will have to decrease which

we indeed observe as the rising of coronal loops with increasing shear. The maximum
energy that can possibly be achieved is when Bh ' 0, i.e., when all field lines are
stretched out almost radially into the heliosphere. However, this configuration is never
reached because as Bh decreases with increasing energy, and so does the capability to
pump further energy into the corona by line-tying according to eq. (8.1).

Hence, besides the lower energy bound given by the linear force-free field
there is also an upper bound for the energy of a force-free coronal magnetic field
which is represented by a field with all field lines open to the heliosphere (“Aly’s
conjecture”; [584, 585, 586]) A simple calculation shows that the energy of a field B =
Br(R�)R2

�r/r3 (though this is not force-free; see, e.g. [585], for an exact construction
of a force-free “all-open field lines” configuration) with a dipole boundary Br(R�)
has twice the energy of the Laplacian dipole field (similarly there is a factor n+1 for
general multipoles). Roughly, we therefore expect a factor of about 2 or more between
the upper and lower energy bounds. Depending on how close the actual magnetic
energy approaches this upper limit an appreciable amount of the coronal magnetic
field energy can in principle be released in large flares. It was pointed out by [541]
that the gravitational forces on the filament and the helmet enhances the energy of
the suspending magnetic field in eq. (8.4). If only part of the filament and helmet
mass is expelled in a CME, the mass loading prior to a CME could act like the lid of
a jack-in-the-box.

Estimates of the magnetic energy of active regions before and after a CME have
been made by several authors for limited regions of the corona. [512] found a magnetic
energy of 6.5 1024 J for an active region with an equivalent potential field energy of
about 3.8 1024 J and an Aly-limit of 7.6 1024 J. [511] found the magnetic energy of an
active region reduced from 8.4 1025 J to 5.7 1025 J after an eruption.

Besides energy, we have seen that helicity is another invariant of ideal MHD (see
chapter 5.4). It also plays an important role in structuring the coronal magnetic
field. Its original definition eq. (5.7), however, is useful only for a plasma bounded by
magnetic surfaces. Only for these configurations is H independent of the gauge of the
vector potential A. For open systems such as the corona, the definition of helicity was
generalized by [587] and [588] through the introduction of the relative helicity

Hr =

∫
(A ·B−A0 ·B0) d3x (8.5)

which measures the helicity relative to a reference field B0 = ∇×A0. For Hr to be
gauge invariant, B0 must satisfy the same normal boundary conditions as B and A0

the same tangential boundaries.
A conventional choice for B0 is the potential field for the boundary conditions

given along with the Coulomb gauge for A0 and (A0)r = 0 on the solar surface. With
the frozen-in E = v × B employed, a simple expression then results for the flow of
relative helicity through the solar surface (see, e.g., [587, 589])

PH = 2

∫
photosphere

(
(A0 ·Bh)vr − (A0 · vh)Br

)
d2x (8.6)

As in eq. (8.1) there are two separate contributions, one due to vertical motions and
the second due to horizontal line-tying.

In a number of analytical and numerical investigations [590, 591, 592, 593] it was
shown that random surface motion vh is much less effective for the helicity transport
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in eq. (8.6) than it is for the energy transport in eq. (8.1). Some amount of helicity is
produced by the steady rotation of the Sun alone and is stored on the open field lines
in the deformation of the interplanetary field into Parker’s spiral [594]. The ordered,
differential rotation of the Sun is capable of generating only a small part of the helicity
expected to reside in the closed coronal field [590] and seems insufficient to explain the
total helicity flux which is eventually released in CMEs [510, 545]. The only candidate
left in eq. (8.6) for an effective production of relative helicity is the vertical convection
term, i.e., the emergence of properly twisted flux.

In [591] the total helicity produced by the Sun during a solar cycle was estimated
to be about 1047 Mx2. Observational evidence that random line-tying has to be ruled
out for helicity production can be found in the hemispheric asymmetry of the observed
current helicity [533, 459], the chirality law of filaments (e.g., [534, 527]) and the
sigmoid X-ray structures above active regions [521, 522]. Hence a major source of the
coronal helicity has to be sought in the twist of emerging flux represented by the first
term of the integrand in eq. (8.1) and partly in the motion of active regions which
concentrate the majority of the surface flux [590, 595].

As the helicity cannot be dissipated by reconnection like the magnetic energy,
the closed field line region of the corona can only keep its helicity in quasi-steady
balance if helicity of opposite sign is exchanged across the hemispheres or if helicity is
transported away by the magnetic clouds of CMEs. Estimates of the release of relative
helicity during the major flare mentioned above range from 1.3 1042 to 0.7 1042 Mx2

[511]. An active region was continuously observed and its helicity budget monitored
for five solar rotations [509]. It was found that a major part of the helicity carried away
by a series of CMEs, about 2 1042 Mx2 each, must have been provided by uprising
twisted magnetic flux.

9. The magnetic field in the heliosphere

The heliosphere is the only region where in-situ observations of the magnetic field have
been made. The majority of observations were carried out by various space crafts in
the plane of the ecliptic near 1 AU. However, the Helios 1 and 2 space crafts provided
measurements as close a 0.29 AU [596], the Voyager 1 and 2 space crafts have explored
the heliosphere out to almost 100 AU [597] and Ulysses scanned the magnetic field
over the solar poles at a distance between 1.3 and 5.4 AU [598]. These measurements
show that in the heliosphere, the magnetic field has lost its dominant role. Instead,
the plasma β is back to the order of unity with a few exceptions like the interior of
CME magnetic clouds or the inside of magnetospheres and β even increases further
with distance from the Sun.

9.1. Heliospheric current sheet and Parker’s spiral

The open magnetic flux which emanates from the coronal holes fills the whole space
angle of 4π beyond about 3 R�. As the coronal holes make up only about 20% of the
solar surface at solar minimum and even less at maximum activity, the magnetic flux
has to overexpand between the coronal base and ∼ 3 R�. The expansion of an open
flux tube cross section in this height range compared to an r−2 expansion is defined
as the flux tube’s expansion factor. Its value usually exceeds 5 and may be up to 20
or more for magnetic flux close to the boundaries of a coronal hole [598].
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Figure 39. Sketch of the current sheet and how it is magnetically connected to the coronal
helmet streamers. The cartoon is from J.T. Hoeksema, Stanford University)

The solar wind rapidly accelerates in this height region and helps to straighten out
the field radially along the wind velocity direction. This produces the characteristic
cusps of helmet streamers visible in coronagraph images. Empirically, a strong anti-
correlation has been found between the asymptotic solar wind velocity in a flux tube
and the expansion factor of its cross section in the corona [599, 600]. There is therefore
evidence that the magnetic field has some control on the acceleration of the solar wind.

Beyond about 3 R� the inward and outward directed flux polarities are organized
in two simply connected angular domains separated by an undulating, radially
stretched heliospheric current sheet (HCS). Back on the Sun, this current sheet
connects to the cusps of the helmet streamers which form above the meandering neutral
line on the solar surface. Comparisons with space craft observations have shown that
the position of the HCS can at most times be quite satisfactorily be modeled (e.g.,[601])
by simple potential field extrapolations of solar surface magnetograms. These models
often employ a virtual sphere at about ∼ 3 R� (“source surface”) where as boundary
condition a strictly radial field direction is imposed.

At solar activity minimum, the majority of the open solar magnetic flux emanates
from polar coronal holes and the HCS within about 1AU is confined close to the solar
equatorial plane. At activity maximum, the neutral line on the solar surface is rather
erratic, open flux regions are spread out over the whole solar surface which causes the
HCS to be considerably displaced from the heliographic equatorial plane. From Ulysses
observations, it was concluded that the HCS at solar maximum is highly inclined and
oriented almost perpendicular to the equatorial plane [602, 603, 604]. The enhanced
ratio of quadrupole to dipole moment indicates that the HCS is also considerably
warped [501]. Some authors [605] even argue for a more complex HCS geometry at
solar maximum. They claim that at least occasionally even isolated reversed polarity
cones may exist which would cause a second detached current sheet on the surface of
the radial cone.

The straightening effect of the solar wind ensures, however, that the current
sheet well below 1AU only warps azimuthally and is straightened in radial direction
so that (within about 1 AU) it appears like a “ballerina skirt” (see Fig. 39), a term
coined by Alfvén [606]. During late declining and minimum solar activity, the HCS
is often approximated within less than 1 AU by a plane inclined with respect to the
heliographic equator. Due to this inclination, the HCS intersects the ecliptic at least
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twice. A space craft in the ecliptic plane should therefore see two (or an even number
of) sector boundaries during one solar rotation where the heliospheric radial magnetic
field component changes sign [607]. During maximum activity, HCS encounters were
observed by Ulysses up the the highest latitudes of its orbit [602] (see Fig. 42).

In radial directions pointing well away from the HCS, the solar wind is accelerated
within a fraction of 1 AU to a final speed of about 800 km s−1 (“fast solar wind”),
more than 5 times the Alfvén velocity at 1 AU [608]. Observations of the Ulysses
spacecraft show that beyond 1 AU and above 30◦ latitude there is relatively little
variation in the fast solar wind speed. Close to the HCS, the plasma has a larger
density and the final solar wind speed only reaches about 400 - 600 km s−1 (“slow
solar wind”) [609, 610]. Density irregularities carried away by the dense, slow wind
can be observed in coronagraph image sequences out to about 30 R� [536, 611] and
by radio scintillation measurements to even larger distances. These observations also
show that the slow solar wind originates from the cusps of the helmet streamers and
perhaps also from their lateral boundaries.

For distances beyond 3 R� and in regions unperturbed by the HCS the radial
magnetic field component Br must decline as r−2 in order to ensure flux conservation.
Similarly, the radial mass flux ρvr must on average decrease as r−2 to maintain a
stationary solar wind outflow. However, while their feet are still anchored on the
Sun, heliospheric field lines will eventually be deformed by the rotation of the Sun
and thus create an azimuthal field component. Parker [612] and Weber and Davis
[613] gave a first description of the stationary, azimuthally symmetric heliospheric
background field which results from this deformation. In the Sun’s rotating frame the
solar wind velocity and magnetic field vectors must be parallel in order to keep the
field stationary. Hence,

(vφ − Ωr cos θ)Br = vrBφ (9.1)

where Ω is the Sun’s rotation rate of ∼ 2π/(27 days), θ denotes the heliographic
latitude and index φ the azimuthal component. The azimuthal velocity vφ will turn
out to be practically negligible and is determined from the conservation of angular
momentum

ρvr
r

∂

∂r
rvφ −

Br
µ0r

∂

∂r
rBφ = 0 (9.2)

which can readily be integrated to

r
(
vφ −

BrBφ
µ0ρvr

)
= L(θ) (9.3)

where L is a constant along the field line. Upon elimination of vφ from (9.1) and (9.3)
we obtain for the azimuthal component of the magnetic field

Bφ =
Br
rvr

(
L(θ)− Ωr2 cos θ

) (
1− (

B2
r

µ0ρv2
r

)
)−1

(9.4)

The field line deflection φB = atan(Bφ/Br) (“Parker angle”) from the radial
direction can only increase smoothly with distance from the Sun if the singularity
B2
r = ρv2

r in (9.4) is resolved by a simultaneous vanishing of the numerator. The
distance at which this condition is met, i.e., where vr is the (radial) Alfvén velocity, is
r = rA (“Alfvénic critical distance”). The critical distance has an important physical
meaning: since the solar wind is superalfvénic for r > rA, no inward propagating
Alfvén waves can ever pass this barrier. The condition for smooth field lines at rA
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therefore determines the integration constant L to Ωr2
A cos θ and hence the angular

momentum carried away by the solar wind. In situ measurements of the heliospheric
field and the solar wind speed between 0.3 and 1 AU together with equation (9.3)
gave values for the Alfvén critical distance of rA ' 10-14 R� [614, 615]. With these
parameters, a deflection for the Parker angle of φB ' 45◦ is obtained at about 1 AU.

The conservation of the radial invariants of the solar wind parameters have
been tested extensively in in-situ observations because they may be extrapolated to
distances where measurements have not yet been made. The radial magnetic flux
constant r2Br has a typical magnitude of 3 - 4 nT AU2 and is found to be, apart from
fluctuations, independent of latitude except of course for the sign change across the
HCS [615, 616, 617]. The mean magnetic pressure therefore seems in perfect lateral
balance. Fig. 41 shows the sign flip of r2Br at the HCS of an otherwise flat latitude
profile. The variation of r2Br with solar activity is only about 1 nT AU2 with the
largest values at the decline phase of the activity cycle [617]. This temporal stability
of r2Br, being a direct measure of the Sun’s open magnetic flux, is surprising because
the total unsigned flux through the solar surface varies by as much as 80% during the
solar cycle [618]. An explanation was offered by [619] which allows magnetic field line
reconnection of open flux only with closed flux tubes. This is sufficient to feed the
solar wind and redistribute open flux during the course of a solar cycle, however, it
does not change the amount of open flux.

Also, the mean mass flux r2ρvr has been found from Ulysses observations to
be almost independent of heliographic latitude. A median value of ∼ 2.5 1012 amu
m/s AU2 at all latitudes and in fast and slow solar wind regions was found from
the Ulysses in situ observations [609]. Measurements of Lyα radiation scattered at
neutral interstellar H atoms which penetrated into the heliosphere, however, can only
be reconciled with a decrease of the average mass flux by a about 30 % at latitudes
above 40◦[620].

For distances r � rA where B2
r/µ0ρ � v2

r we obtain from (9.4) another
approximate constant along a heliospheric field line, rvrBφ which should coincide
with −ΩBrr

2 cos θ. The latter is a constant provided the field line stays at a constant
latitude θ. For the Parker spiral angle φB this yields

tanφB =
Bφ
Br

= − Ω

vr
r cos θ (9.5)

which is the same expression we obtain from (9.1) if the vanishingly small vφ
component is neglected. Comparisons of both expressions for φB in (9.5) using Ulysses
data showed good average agreement (see Fig. 42, [621, 604]). The statistics, however,
are obscured by fluctuations in the various field and flow components so that the
results depend on the method of averaging. For example, [616] claim to have observed
somewhat less tightly wound field lines at high latitudes during Ulysses’ first polar
passage than Parker’s model would predict.

9.2. CIRs, transients and turbulence

Parker’s spiral model, however, can only be a first order stationary approximation
to a very dynamic heliospheric field and flow configuration. The fact that the HCS
is embedded in a slow, dense solar wind compared to the fast, light wind inside the
sector regions will eventually cause to destabilize the HCS the more it is inclined
with respect to the heliographic equator. The spiral structure of the field causes
an analogous folding of the HCS surface. Fast wind streams will penetrate into the
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Figure 40. Deformation of the HCS up to a distance of about 12 AU. Close to the Sun, the
HCS is approximated by a plane inclined by 15◦ with respect to the heliographic equator. With
increasing distance from the Sun, the latitude of the inclined HCS is preserved along the Parker
spiral characteristics (from [622]).

Figure 41. Radial heliospheric field component scaled to 1AU vs. observation time along the
Ulysses trajectory from the south to north pole (from [616]). Between -40 and 40◦ of latitude
the HCS was repeatedly crossed.

equatorial plane where the HCS is displaced off to higher latitudes. As the solar wind
flow is practically radial, the fast wind sector will eventually run into the slow current
sheet ahead.

The fact that the solar wind plasma is frozen into the spiraling magnetic field
prevents the fast wind from penetrating the slow wind region. Instead, the less tightly
wound fast solar wind leaves a rarefaction region behind and compress the warped
current sheet ahead, forming a corotating interaction region (CIR). The dependence
of the CIR formation on the initial coronal and HCS boundary state has been reviewed
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Figure 42. Azimuthal deflection angle of the heliospheric magnetic field from the radial
direction vs. observation time along the Ulysses trajectory (from [604]). The top and bottom
panel show maximum and minimum solar activity conditions, respectively. The smooth curves
represent the angle as derived from Parker’s model (rhs of 9.5), the fluctuating curve represents
the measured ratio atan Bφ/Br. It flips between sectors of inward (angles around 100) and
outward directed (angles around 300)field whenever the heliospheric HCS is crossed.

by [623], a general overview can be found in [624].
Typically, CIRs form at 1 AU and beyond as this is the distance where the Parker

spiral angle becomes significant. Beyond about 3 AU, the compression of the CIR
becomes so strong that a pair of shocks is formed on either side: a fast mode shock
at the front side which accelerates the slow plasma ahead and a reverse shock on the
back side which decelerates the fast wind from behind. Simulations show how CIRs
are deformed through interaction with the solar wind [625, 626]. These calculations
demonstrate also that the wings of the reverse shock can propagate to much higher
latitudes than correspond to the initial tilt of the HCS thus explaining an initially
puzzling observation of the Ulysses spacecraft [627].

At even larger distances from the Sun, the CIR surfaces steepen and merge.
Whenever a merged CIR passed by the Voyager 1 spacecraft observed between 14 an
18 AU quasiperiodic magnetic field enhancements by a factor 3-4 with periods around
26-days [628]. To the extent that CIRs overtake each other and interact they diminish
in number [597] at distances beyond ∼ 30 AU. Beyond this distance, the solar rotation
period cannot be found anymore in the magnetic field fluctuations.

Besides the corotating heliospheric field pattern described so far, the in-situ field
observations display a large amount of transient and turbulent perturbations. Most
prominent are transient magnetic clouds which originate from coronal mass ejections.
They propagate away from the Sun with speeds ranging from several 100 to 1200 km/s.
In most cases, the speed of the clouds has at least the speed of the ambient solar wind
[629]. If this speed exceeds that of the ambient solar wind by more than the Alfvén
velocity, a fast mode shock forms on its front side. At high latitudes the CME clouds
were also observed to rapidly expand due to excess magnetic pressure inside so that
both a forward and reverse shock may form [630, 631]. Another consequence of the
cloud’s expansion is a drastic reduction of the particle pressure and plasma β in its
interior so that we may expect the field inside the cloud to relax towards a force-free
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equilibrium (see, however [632]).
A common magnetic field signature of a CME passing a space craft is the rotation

of the meridional field components as expected from the passage of a giant helical flux
rope. As we pointed out in chapter 8 the sense of rotation of the flux rope is determined
by the helicity of the associated magnetic cloud. In a number of studies, it was indeed
possible to identify the origin of the CMEs back on the Sun’s surface and it was found
that in these cases the sense of rotation corresponds to the helicity of the original
filament and hence on the hemisphere, from where it was ejected [633, 547, 546].

A comprehensive 3D model of CME clouds is still under debate. Field
observations of space crafts only yield point measurements which are often interpreted
under the assumption that the perturbation is convected radially away from the Sun.
It is still unclear, how far the CME cloud extends azimuthally and whether or how
it is magnetically connected to the Sun. Bi-directional electron streams parallel and
anti-parallel to the magnetic field are often observed inside the cloud. They are usually
taken as evidence that the respective field line is still connected to the corona at both
ends. However, also a complete lack of electron streams has occasionally been seen,
which is interpreted as the presence of a field line rooted with both feet in the outer
heliosphere [634, 624]

A numerical simulation of a CME and its propagation through the heliosphere is a
formidable task. Purely hydrodynamical computations already show the complicated
interaction of a CME with the fast and slow solar wind regimes in the background and
its subsequent distortion [635, 636]. Including the magnetic field in these computations
poses a real challenge. Even the background balance between magnetic field and
solar wind are difficult to model numerically [637]. First steps to follow the CME
release process and its propagation have in an MHD model recently been started
(e.g., [638, 632, 639]). These calculations reproduce the gross features observed. The
magnetic cloud of fast CMEs in these simulations, however, does not seem to evolve
to a near force-free flux rope but is found to be considerably distorted by the solar
wind plasma it runs into.

Another permanent feature of heliospheric observations are turbulent magnetic
field fluctuations. Large amplitude, almost incompressible transverse Alfvén waves are
observed whenever space crafts enter the fast solar wind [640]. Ulysses high latitude
observations show that the relative transverse field variance < δB2

⊥ > / < B2 >
increases with latitude from 0.1 almost linearly to ∼ 0.3 at 40◦ latitude [641]. These
waves are therefore well in the non-linear regime.

The resulting radial evolution of the Alfvénic turbulence has been investigated
by a number of authors. A comprehensive review was given by [642]. The wave power
spectra measured by the Helios space crafts between 0.3 and 1 AU show a gradual
decline from a power law index of -1 towards Kolmogorov’s inertial range index -5/3
with increasing distance from the Sun [643]. The interaction of this turbulence with the
solar wind has been modeled by a number of authors. [644] assume an initial Alfvénic
wave power spectrum emitted from the solar surface and evolve the spectrum by a
non-linear cascade of wave energy to higher frequencies. The wave energy is absorbed
at the high frequency end of the cascade by proton cyclotron absorption as proposed
by [645]. This absorption provides the necessary acceleration and heating to drive
fast solar wind. Other authors consider in their models the solar wind velocity shear
and beyond ∼ 10 AU energetic pickup ions (see below) as an additional source for
the Alfvénic turbulence [646, 647]. The observed turbulent magnetic field fluctuation
levels could thus be explained out to ∼ 50 AU
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9.3. The distant heliosphere

Observations of scattered Lyα radiation originating from the Sun and nearby stars
show that our heliosphere is surrounded by a partially ionized interstellar cloud of
mainly hydrogen gas (e.g., [648, 649]). The interaction of this cloud which constitutes
the local interstellar medium (LISM) of our heliosphere with the solar wind has been
thoroughly reviewed [650]. The LISM cloud drifts relative to the heliosphere causing
its ionized component to be deflected at the heliospheric front side boundary while
the cloud’s neutral component can freely enter the heliosphere. Roughly where the
solar wind ram pressure equals the LISM dynamic and thermal pressure, a reverse
termination shock stops the solar wind and decelerates it into a hot, subsonic flow with
increased density. Inside the region beyond the termination shock, the heliosheath, the
solar plasma is deflected away into the heliotail and stretched out into the downstream
direction of the LISM flow. The LISM plasma, on the other hand, has to flow around
this obstacle and is swept away around the outer boundary of the heliosheath into the
heliotail. The contact discontinuity between the heliosheath solar wind plasma on the
inside and LISM plasma on the outside is called the heliopause.

Until a 2004, estimates of the stand-off distance of the termination shock ranged
somewhere between about 90 and 200 AU. Voyager 1, advancing with ∼ 3.5 AU/y
in about the LISM upstream direction passed it in December 2004 at about 94 AU
while the decreasing solar wind pressure in the declining phase of the solar cycle made
the shock front move inwards towards the Sun [651]. Unfortunately, the failure of
the plasma detector on board Voyager 1 makes it somewhat difficult to observe the
plasma compression at the termination shock directly. However a pile-up of the almost
azimuthal magnetic field, tangential to the shock front, could clearly be detected from
the noisy field measurements. The field enhancement was from about 0.03 nT, still
very close to Parker’s predictions, on the upstram side to about 0.1 nT downstram of
the termination shock. A puzzle in the observations is why the frequent flips of the
azimuthal field polarity, reflecting the transitions between the inward and outward
heliospheric field sectors (see Fig. 42), completely ceased after the termination shock
had been passed.

Before the passage to the termination shock, our knowledge about the boundaries
of the heliosphere were entirely based on HD and MHD models which extrapolate the
observed solar wind quantities downstream and vary the LISM parameters within
meaningful ranges (see [650] and references therein). These models, however, suffer
greatly the uncertainties of unknown LISM parameters.

The only parameter known with sufficient accuracy is the relative speed of the
LISM cloud of vLISM ' 26 km/s and the direction of this flow. This value has both
been inferred from the Lyα observations (e.g., [652]) and from in-situ measurements of
the neutral helium, a minor constituent of the cloud which penetrates the heliosphere
[653]. The temperature estimates of ∼ 8000 K are already uncertain so that it is not
quite clear whether the LISM flow is sub- or supersonic. In the latter case, a bow shock
is required in front of the heliopause to decelerate the LISM plasma to subsonic speeds
and allow its deflection around the heliopause. Depending on the H/He composition
the estimate of 8000 K yields a sound speed of about 10 km/s and hence a supersonic
LISM flow. A possible cosmic ray component in the LISM plasma could, however,
enhance the sound speed [650].

In particular the strength and orientation of the local interstellar magnetic field
are rather uncertain. Typical model assumptions for the field strength are of the order
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of 0.1-0.3 nT [654]. A typically assumed H+ density of 0.2 cm−3 yields an Alfvén
velocity of about 10 km/s. Hence both, the sonic and the Alfvénic Mach numbers of
the LISM flow are of the order of unity so that numerical models show substantial
differences if LISM temperature and magnetic field strength and direction is varied
[655, 656]. A stronger field compresses the heliopause further inwards, an oblique field
direction may cause a marked asymmetry of the shape of the heliopause.

Which influence the magnetic field from outside the heliosphere may have has
to await more precise estimates of its strength and direction. The magnetic field
which reaches the heliospheric boundary from the inside is much better known.
Extrapolating Parker’s spiral field to large distances suggests that the magnetic field
regains its dominance again in the outer heliosphere. The field direction eventually
becomes almost entirely azimuthal and the field pressure decreases as B2 ' B2

φ '
r−2. This has indeed been observed out to 80 AU with slight deviations due to solar
cycle and solar wind speed variations but else in fair agreement with Parker’s model
[657]. Assuming a constant solar wind speed vr, the conservation of the radial mass
flow causes the plasma density to decay as ' r−2 and an adiabatic solar wind pressure
would then decline with p−2γ for a polytropic index γ. Hence, β ∼ p/B2 ∼ r−2(γ−1)

should decrease with distance r for an index γ > 1.
However, with decreasing (thermal) solar wind density a new source of particles

becomes important beyond about 15 AU: pick-up ions ionized by charge exchange from
the interstellar neutral hydrogen of the LISM cloud which penetrates the heliosphere.
In the direction from the Sun towards the heliospheric stagnation point these hydrogen
atoms acquire a speed of vr + vLISM in the frame of the solar wind. Once ionized,
they become frozen to the solar wind and gyrate about the azimuthal magnetic field
direction with an energy of some keV. The pickup distribution rapidly isotropizes and
the ions pass some of their energy to the thermal solar wind plasma. This additional
source of heating can be observed by a reduced temperature decrease beyond about 25
AU [658]. The result is an increase rather than a decrease of β with further distance
from the Sun to values well above unity at the termination shock [650, 654].

Another consequence of the pickup ions is the mass loading of the solar wind.
Momentum conservation should then decelerate the wind, and Parker’s spiral should
wind more tightly according to (9.5). There is, however, also a diamagnetization effect
due to the large magnetic moment of the gyrating pickup ions [659]. The fact that
Bφ is found in reasonable agreement with Parker’s model and an undecelerated wind
[657] suggests that the two effects may compensate.

The negligible role of the solar wind magnetic field in the distant heliosphere has
led many researchers to neglect it altogether in their simulations of the heliosphere,
with only few exceptions [660, 661]. Upstream of the termination shock the solar
wind is decelerated and heated to be subsonic, the azimuthal magnetic field Bφ
piles up, as is observed by Voyager 1, and is, especially near the stagnation point,
compressed towards the heliopause (“Axford-Cranfield effect”). This may locally lead
to a considerable field strength, however, the temporal variations of the solar wind
and the polarization reversals with the solar cycle probably destroy this effect to a
large degree [654].

In addition, the termination shock location is my no means stationary. Voyager
observations suggest that the shock front was moving inward at the time of the passage.
It was shown in model simulations that the front can move within a solar cycle by as
much as 10 AU [662, 663]. The remains of CIRs and CMEs will additionally shake the
heliosheath continuously and reconnection of the heliosheath magnetic field with the
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reversed polarity solar wind field or with the LISM field may lead to a further erosion
of the magnetic field in the heliosheath.

10. Outlook

The magnetic field plays a role in almost all parts of solar physics, so that the study
of the Sun’s magnetism has wide-ranging implications. Some of the main results
concerning the solar magnetic field have been presented, or at least mentioned in this
review. Many more have become victims of the limited space and the aim of the
authors to present an overview spiced with a few examples, rather than a complete
compilation. In any case, however important the compilation or presentation of past
achievements may be, for the scientist working at the coal face of solar magnetic field
research, the progress we hope to make in the near and mid-term future is by far
the more interesting. Such progress is driven not so much by the open, unanswered
questions, of which there are many, including some very basic ones. Rather, the
main driver is the availability of new tools. These include new space instruments,
ground-based telescopes and associated post-focus instruments, but also new codes,
(numerical) techniques and computers.

In the following we point out some of the requirements for making progress and
list some of the new tools that have either recently become available, or are planned
for the near to mid-term future. We follow roughly the same order as the sections of
this review, starting with the large-scale structure of the magnetic field and ending
with the magnetic field in the heliosphere.

The risk of such an endeavour is that unforeseen developments can change the
course of the field very significantly, making even a carefully written outlook quickly
obsolete.

10.1. Large scale structure of the magnetic field

The observation of global magnetic field patterns is far less demanding than the
detailed study of individual features in that high spatial resolution is not a prerequisit.
This is offset, however, by the need for long uninterrupted time series of as many useful
quantities as possible.

A point that cannot be overstressed is the need for coherent synoptic full-disk
data sets of constant high quality. Only with the help of such data can the dynamo
be constrained with sufficient accuracy. Such data often appear routine and it may
not seem worth the effort to continue to gather them over decades and ideally even
centuries. However, such data invariably pay rich scientific dividents in the end. For
example, the sunspot numbers data set, one of the longest running scientific time
series, is one of the most studied time series in any field of science and even today
keeps revealing fresh insights when analysed with new techniques. In fact, it has
become almost standard practice to apply any newly developed technique for time
series analysis to the sunspot number record.

A negative example are the sunspot area and position measurements carried out
by the Royal Greenwich Observatory. These are important not just for constraining
the solar dynamo, but also for the reconstruction of solar irradiance. Unfortunately,
contributions to this homogeneous data set ended in 1976, just 2 years before the
radiometer on the NIMBUS-7 satellite revealed the systematic variability of the solar
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irradiance. The absence of this overlap still poses problems to researchers attempting
to extend the irradiance record further back in time.

On a shorter time scale, the regular magnetograms provided by ground-based
observatories, such as the Spectropolarimeter (SPM), on Kitt Peak and from space
by the Michelson Doppler Imager (MDI) on the Solar and Heliospheric Observatory
(SOHO) have made an immense difference to studies of the large scale magnetic field.
However, these data still suffer from some shortcomings. One is the lack of vector
magnetic field measurements since all these instruments only record the longitudinal
magnetic field component. Another is the insufficient accuracy and often the relatively
low spatial resolution of the data. Finally, the coverage of the solar poles is extremely
poor.

Projects that will address these shortcomings are in different stages of
development. The SOLIS instrument on Kitt Peak, which has recently started
operation, will provide regular vector magnetograms of the full solar disk in addition
to other interesting observables for many years. The HMI instrument on the Solar
Dynamics Observatory (SDO) has a similar aim, but is planned to provide data at
a higher resolution and a high cadence (but possibly with lower sensitivity). Not
just the regular coverage and the magnetic vector provided by these instruments is
important, but also the enhanced polarimetric sensitivity, needed to reliably determine
the transverse field components. Such an enhanced sensitivity also allows weak fields
(e.g. internetwork fields) to be followed, which are only imperfectly rendered by
current synoptic magnetograms. Finally, the solar poles will be studied by the Visible
light Imager and Magnetograph (VIM) on the Solar Orbiter mission of ESA.

10.2. The solar interior

Most of the work dealing with the magnetic field in the solar interior has been
theoretical in nature and the basic unanswered question is how the solar dynamo
works, i.e., how the Sun’s magnetic field is generated. Although dynamo theory
has made significant progress over the last decades, some basic questions remain
unanswered.

There is no generally accepted model of the solar dynamo. The relative
importance of dynamo action in the overshoot layer/tachocline and a more distributed
dynamo in the bulk of the convective zone remains unclear, particularly so concerning
the origin of the turbulent magnetic field in the near-surface layers. While large-scale
numerical simulations so far has not shown solar-like results, there is hope that the
rapid progress in computational power will allow us to reach a more relevant parameter
regime in the next decade or two. Reynolds numbers realistic for the solar plasma,
however, are and will for long be beyond computational capabilities.

The biggest drawback for dynamo theory, however, is the lack of observational
information about the structure and evolution of the magnetic field in the solar interior.

Another point that has so far not been adequately addressed in the context
of dynamo theory is the description of the magnetic flux concentrations with
superequipartion fields in the Sun’s interior. The interaction of these flux tubes with
sub-surface flows is expected to be markedly different from that of a more diffuse
fields.

The possibility to measure magnetic fields reliably in the solar interior would be
revolutionary. Local helioseismology has this capability in principle, but so far it has
not been possible to unambiguously distinguish between magnetic effects on p-modes
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and other influences, such as thermal inhomogeneities.The theoretical work needed is
demanding and it is not possible to predict if and when sufficiently reliable results
will be obtained to run such applications. In addition, the observational input for
the inversion calculations may also turn out to be difficult to supply: to discriminate
between different effects on wave propagation, data with a low signal-to-noise ratio
obtained after long time integration may be required.

10.3. The solar photosphere: magnetic elements and sunspots

Most evident and pressing is the need to study the magnetic field at a higher
spatial resolution than currently achievable. Even the best images and measurements
available today show structure at the resolution limit. Furthermore, 3-D numerical
MHD simulations of plage or quiet Sun also predict considerable magnetic fine
structure below the spatial resolution of current observations. Higher spatial resolution
observational data are needed in order to test whether structures visible in the
simulations are also present on the Sun. A clever choice of spectral diagnostics can
overcome a part of the disadvantages of limited spatial resolution, but cannot replace
high spatial resolution data.

Currently, the highest spatial resolution photospheric magnetic data are being
provided by the Swedish Solar Telescope (SST) on the island of La Palma, thanks
to a careful design and the use of adaptive optics. In the coming years, a number of
new instruments will provide competition, starting in 2006 with the Solar-B spacecraft.
Although the theoretical resolution of Solar-B is only half that of the SST, the constant
conditions provided by space are a distinct advantage for observations aiming at, e.g.,
the evolution of the magnetic field. The Sunrise balloon-borne observatory is expected
to combine the theoretical resolution of the SST (an even higher resolution will be
achieved in the UV) with the near absence of seeing enjoyed in the stratosphere. On the
ground, the Gregor telescope on the island of Tenerife, the New Solar Telescope (NST)
at Big Bear Observatory, and in the more distant future the Advanced Technology
Solar Telescope (ATST) should push the spatial resolution limit even further.

We expect that progress will not come from higher spatial resolution alone.
For the study of weak magnetic fields (features with low magnetic flux), a higher
polarimetric accuracy (lower noise level) is just as important. In the Sun’s photosphere
the magnetic field does not only occur in the form of magnetic flux concentrations,
but also in a more irregular or “turbulent” state, which is a subject of intense current
studies Additional work is needed to reliably determine the amount of flux in this
state of the magnetic field, its structure and distribution, evolution and origin. Since
the field is weak, a high polarimetric sensitivity, as provided, e.g., by the Zürich
Imaging Polarimeter (ZIMPOL) is needed, in particular in combination with high
spatial resolution.

In addition, observations in different spectral bands (or spectral lines) provide the
possibility of determining the height dependence of magnetic parameters, particularly
in combination with state-of-the-art inversion techniques. The determination of the 3-
D structure of the magnetic field obtained by combining high spatial resolution maps
with the vertical stratification deduced from spectral information will, we believe,
become a regularly used observational tool in the future.

Spectacular results are also expected from novel techniques and data, such as
those obtained with the VIM instrument proposed Solar Orbiter, which will allow
stereoscopic measurements of magnetic features when combined with data obtained
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in Earth orbit or from the ground.
Theory has taken immense strides to go beyond simple models aiming mainly

to identify physical processes towards realistic descriptions of the complex magnetic
structures found on the Sun. 3-D radiative MHD simulations of quiet Sun and plage
regions are showing a remarkable similarity with high resolution observations. Detailed
comparisons suggest a need for denser grids (which is not surprising, given that the
Reynolds numbers achieved by the simulations are still orders of magnitude smaller
than the solar values). A denser grid requires larger computational resources, which
are one limiting factor for progress in this field.

Just as exciting, e.g. for the study of sunspots, are the possibilities opened up by
considering larger domains and running longer time series. In contrast to magnetic
elements, models of sunspots have so far been severely limited. Models describing
complete sunspots are restricted to assuming axial symmetry and to parameterising
many of the key physical processes acting in them, while models that treat such
processes explicitely are localised to a small region inside a sunspot (e.g., a piece of the
umbra or penumbra). Therefore, one of the main aims of an MHD simulation covering
a large domain is to simulate a complete sunspot. The simulation of small-scale
magnetic elements would also greatly benefit from a larger computational domain,
since it would allow their interaction with meso- and supergranulation to be followed,
thus bringing the study of solar magnetic fine structure a step closer to the study of
the global evolution of the magnetic field.

10.4. The upper atmosphere: chromosphere and corona

The very structure of the solar chromosphere is the subject of intense debate and this
uncertainty also extends to the magnetic field. The main bone of contention is whether
or not the quiet chromosphere harbours low-lying magnetic canopies (a uniquely
chromospheric phenomenon), such as those seen in active regions. Observations of
chromospheric fields now possible at the Canary Island Observatories will certainly
provide exciting new results. In order to resolve this question, a high signal-to-noise
ratio is expected to play a stronger role than the highest spatial resolution possible.

None of the planned space instrumentation foreseen for the near future has
a chromospheric polarimetry channel in it. However, there are at least two new
ground based instruments, TIP2 (the upgrade of the Tenerife Infrared Polarimeter)
at the Vacuum Tower Telescope on Tenerife and SPINOR at the Vacuum Tower on
Sacramento Peak, that are providing such data.

One reason why chromospheric structure still is rather enigmatic has to do with
the difficulties posed by the chromosphere to modellers. A plasma β on the order
of unity, the presence of shock waves and supersonic flows, the need for partial-
redistribution NLTE (for typical chromospheric lines such as the H and K lines of Ca
II), ionisation and recombination time scales larger than dynamical time scales, etc.,
all combine to make the life of the modeller difficult. However, there is no way around
extending the successful 3-D simulations from the photosphere to the chromosphere.
First attempts still neglect some of the physics, but this is one direction in which
there is a strong need to go. As far as the magnetic field is concerned, it is already
instructive in a first step to extrapolate the field from the photosphere (either from
simulations or high spatial resolution observations) into chromospheric layers.

The main hinderance to more rapid progress in coronal physics is that the
structure, dynamics and thermodynamics of the corona are dominated by the magnetic
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field, which, however, can only be measured in a rather rudimentary way in these
layers. Up to now, with the exception of radio measurements (see below), coronal
studies have relied either on extrapolations of the magnetic field from the photosphere,
or (more commonly) on the use of proxies such as the spatial distribution of intensity
of transition region lines, or loops visible in coronal radiation.

The premier technique for measuring the coronal magnetic field has so far been
radio observations, which can provide maps of the magnetic field strength, but do
not in general allow the full magnetic vector to be measured. This is unfortunate,
since in the corona the magnetic field becomes very inhomogeneous in direction, but
relatively homogeneous in strength. The configuration of the field determines whether
such important processes as magnetic reconnection can take place or not.

Maps of the magnetic field strength obtained from radio data have in the
past often suffered from either low spatial and/or temporal resolution, or a sparse
coverage of the Fourier plane (in the case of interferometrically obtained data). The
introduction of a dedicated array (FASR) should help to significantly improve coronal
magnetic field measurements with radio techniques.

At the same time, new techniques for coronal magnetic field measurements
are currently being developed and studied, which might overcome some of the
shortcomings of radio measurements. They include longitudinal magnetograms made
in (coronagraphically imaged) infrared coronal lines, the utilization of the Hanle effect
in EUV lines (for a future application in space), and using the Zeeman effect in the HeI
10830 Å triplet for vector magnetic field measurements near the coronal base. Each
technique has its advantages and disadvantages and none gives a complete picture of
the coronal field. While the Zeeman effect in IR coronal lines may remain limited to
measuring the longitudinal field owing to the limited signal strength, the HeI 10830
Å triplet does not sample the hot coronal gas directly, and the Hanle effect in EUV
lines has not been studied sufficiently to determine its full promise or the pitfalls.

One generic reason why no single technique will be able to provide anything near a
complete picture of the coronal field is that the coronal gas is optically thin. However,
a tomographic reconstruction of the coronal magnetic field is probably possible if
longitidinal Zeeman and transverse Hanle observations are combined – another field
where a substantial theoretical effort is needed.

A further complication is that gas at many different temperatures is intermingled.
Therefore, measurements in a diagnostic line sensitive to gas within a certain
temperature range show only the part of the field embedded in that gas. Neighbouring
field lines may host gas at a very different temperature that may be accessible only at
another wavelength and/or with another technique. It is likely that, on the medium
to long term, different diagnostics and techniques will have to be combined to get
a proper view of the coronal field. Extrapolations from photospheric magnetic field
measurements will remain an integral part of the arsenal of techniques for studying
coronal fields. However, in future such extrapolations and proxies will be increasingly
supplemented, augmented and tested by direct measurements. For example, the
extrapolated field can give a hint of the height to which a certain measurement refers.

Highly dynamic phaenomena in the corona, like eruptions and coronal mass
ejections, which are very probably triggered by the coronal magnetic field, have
attracted great interest in the past and our understanding of these phaenomena
has improved enormously in the recent decade, both by observations with, e.g.,
the Yohkoh, SoHO and TRACE instruments and by improved MHD modelling.
Predictions of individual events are still a challenge though. Again, a problem is
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that our knowledge of the magnetic field at the site of the eruption is still too limited
to discern the sequence of physical processes of an eruption in detail.

10.5. The heliosphere

Our knowlegde of the magnetic field in the heliosphere is probably better than in
many other regions of our solar system. From the very beginning, the importance of
the magnetic field was recognized and almost all space missions were equipped with
magnetometers. In-situ measurements have been complemented with sophisticated
MHD simulations, so that the basic understanding of the magnetic field in the region
between 0.3 and 5 AU is quite advanced.

Owing to the vanishing divergence of the magnetic field, an extrapolation of
the heliospheric field closer to the Sun is possible to some extent. Yet, the region
inward of 0.3 AU, where the corona fades out into the solar wind, is little understood.
With MHD models of the corona and inner heliosphere we can roughly map the
solar surface magnetic field to the heliosphere and relate in situ satellite observations
with their sources on the Sun. This magnetic mapping has so far assumed the field
to be stationary and dynamical aspects of the connection between the coronal and
heliospheric magnetic field are not clear yet. It is in this region below 0.3 AU where
the solar wind is accelerated to a super-Alfvénic speed and CMEs sometimes to speeds
well above 1000 km/s. The magnetic field almost certainly plays a key role in these
acceleration processes but a widely accepted, physically sound explanation is still
lacking. The Solar Orbiter mission will hopefully shed some light onto this region.

The heliosphere is highly dynamic. CMEs and interaction regions are complex
phaenomena which could only partially be disclosed by in-situ observations. Here,
MHD simulations have greatly improved our understanding of their three-dimensional
plasma structure and magnetic field and how they are shaped in interaction with
the background solar wind while they propagate outwards through the heliosphere.
The STEREO mission will, for the first time, attempt to follow CMEs by means of
optical obervations out to 1 AU. Even though only the plasma density enhancements
of the CME cloud will be visible, we will also learn much about the magnetic field
configuration of the cloud. Certainly, these observations will give new constraints and
inspiration to refined MHD simulations of the propagation process.

Until recently, our knowledge about the distant heliosphere and its interaction
with the local interstellar medium (LISM) was almost entirely due to MHD models
which use our present knowledge about the inner heliosphere as boundary values.
This situation has drastically changed since the Voyager 1 probe has crossed the
termination shock. The new and unique in-situ observations of the heliosheath plasma
will considerable constrain future MHD models. As the LISM magnetic field plays
only a minor role in these models, it will have to be seen, how much the interstellar
field value and direction can be constrained by these observations. New missions like
the Heliopause Probe especially devoted to explore the outer heliospheric boundaries
are considered and may yield more precise observations than those from the Voyager
spacecrafts. But a lot of patience is required here. It will take at least 25 years until
the next generation of space crafts will reach the termination shock.
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[76] S. B. F. Dorch and Å. Nordlund. On the transport of magnetic fields by solar-like stratified
convection. Astron. Astrophys., 365:562–570, 2001.
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[107] S. B. F. Dorch, V. Archontis, and Å. Nordlund. 3D simulations of twisted magnetic flux ropes.
Astron. Astrophys., 352:L79–L82, 1999.

[108] Y. Fan, E. G. Zweibel, M. G. Linton, and G. H. Fisher. The Rise of Kink-unstable Magnetic
Flux Tubes and the Origin of delta-Configuration Sunspots. Astrophys. J., 521:460–477,
1999.

[109] W. P. Abbett, G. H. Fisher, and Y. Fan. The Effects of Rotation on the Evolution of Rising
Omega Loops in a Stratified Model Convection Zone. Astrophys. J., 546:1194–1203, 2001.

[110] Y. Fan, W. P. Abbett, and G. H. Fisher. The Dynamic Evolution of Twisted Magnetic Flux
Tubes in a Three-dimensional Convecting Flow. I. Uniformly Buoyant Horizontal Tubes.
Astrophys. J., 582:1206–1219, 2003.

DR.R
UPN

AT
HJI(

 D
R.R

UPA
K 

NAT
H )



The solar magnetic field 93

[111] F. Moreno-Insertis. The motion of magnetic flux tubes in the convection zone and the
subsurface origin of active regions. In NATO ASI Proc. 375: Sunspots. Theory and
Observations, page 385, Dordrecht, 1992. Kluwer Academic Publishers.

[112] A. Eff-Darwich and S. G. Korzennik. A new upper limit to the temporal variation of the
rotation rate of the tachocline between 1994 and 2002. In H. Sawaya-Lacoste, editor, Local
and Global Helioseismology: the Present and Future, page 267, (Nordwijk, NL: European
Space Agency), ESA SP-517, 2003

[113] F. Moreno-Insertis, P. Caligari, and M. Schüssler. “Explosion” and Intensification of Magnetic
Flux Tubes. Astrophys. J., 452:894, 1995.

[114] M. Rempel and M. Schüssler. Intensification of Magnetic Fields by Conversion of Potential
Energy. Astrophys. J., 552:L171–L174, 2001.

[115] M. Ossendrijver. The dynamo layer in solar-type stars. Astron. Nachr./AN, 326:166–169,
2005.

[116] K. Petrovay. What makes the sun tick? - the origin of the solar cycle. In A. Wilson, editor,
The Solar Cycle and Terrestrial Climate, page 3, (Noordwijk, NL: European Space Agency),
ESA SP-463, 2000

[117] M. Ossendrijver. The solar dynamo. A&AR, 11:287–367, 2003.
[118] P. Charbonneau. Dynamo Models of the Solar Cycle. Living Reviews in Solar Physics, LRSP-

2005-2:http://solarphysics.livingreviews.org, 2005.
[119] H. K. Moffatt. Magnetic field generation in electrically conducting fluids. Cambridge

University Press, 1978.
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[160] G. Rüdiger and R. Arlt. Physics of the solar cycle. In A. Ferriz-Mas and M. Nunez, editors,
Advances in Nonlinear Dynamos, pages 147–194, London, 2003. Taylor & Francis.

[161] M. Schüssler and D. Schmitt. Theoretical models of solar magnetic variability. In J. et al.
Pap, editor, Solar Variability and its Effect on Climate, page 33, Geophysical Monograph
141, (Washingthon, DC: American Geophysical Union), 2004.

[162] D. Schmitt. An alpha-omega-dynamo with an alpha-effect due to magnetostrophic waves.
Astron. Astrophys., 174:281–287, 1987.

[163] A. Ferriz-Mas, D. Schmitt, and M. Schüssler. A dynamo effect due to instability of magnetic
flux tubes. Astron. Astrophys., 289:949–956, 1994.

[164] A. Brandenburg and D. Schmitt. Simulations of an alpha-effect due to magnetic buoyancy.
Astron. Astrophys., 338:L55–L58, 1998.

[165] D. Schmitt. Dynamo action of magnetostrophics waves. In Advances in Nonlinear Dynamos,
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synthesis and diagnostics of simulated solar magneto-convection. Astron. Astrophys.,
427:335–343, 2004.

[409] E. N. Parker. Magnetic Neutral Sheets in Evolving Fields - Part Two - Formation of the Solar
Corona. Astrophys. J., 264:642–647, 1983.

[410] E. N. Parker. Nanoflares and the solar X-ray corona. Astrophys. J., 330:474–479, 1988.
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II 4078 Å line. Astron. Astrophys., 337:565–578, 1998.

[480] M. Bianda, J. O. Stenflo, and S. K. Solanki. Hanle effect observations with the Ca I 4227 Å
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[509] L. M. Green, M. C. López Fuentes, C. H. Mandrini, P. Démoulin, L. Van Driel-Gesztelyi, and
J. L. Culhane. The Magnetic Helicity Budget of a CME-Prolific Active Region. Solar Phys.,
208:43–68, 2002.

[510] P. Démoulin, C. H. Mandrini, L. van Driel-Gesztelyi, B. J. Thompson, S. Plunkett, Z. Kovári,
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Aellig, P. Bochsler, S. Hefti, and Z. Mikić. The Solar Origin of Corotating Interaction
Regions and Their Formation in the Inner Heliosphere. Space Sc. Rev., 89:141–178, 1999.

[624] R. J. Forsyth and J. T. Gosling. Corotating and transient structures in the heliosphere. In
A. Balogh, R. G. Mardsen, and E. J. Smith, editors, The heliosphere at solar minimum
- The Ulysses perspective, Springer books in astrophysics and astronomy, pages 107–166.
Springer, Berlin, 2001.

[625] V. J. Pizzo. Global, quasi-steady dynamics of the distant solar wind 2: Deformation of the
heliospheric current sheet. J. Geophys. Res., 99(A3):4185–4191, 1994.

[626] V. J. Pizzo and J. T. Gosling. 3-D simulation of high-latitude interaction regions: Comparison
with ULYSSES results. Geophys. Res. Lett., 21:2063–2066, 1994.

[627] J. T. Gosling and V. J. Pizzo. Formation and evolution of corotating interaction regions and
their three dimensional structure. Space Sc. Rev., 89:21–52, 1999.

[628] L. F. Burlaga, N. F. Ness, and J. W. Belcher. Radial evolution of corotating merged interaction
regions and flows between ∼ 14 AU and ∼ 43 AU. J. Geophys. Res., 102:4661–4672, 1997.

[629] J. T. Gosling, S. J. Bame, D. J. McComas, J. L. Phillips, B. E. Goldstein, and M. Neugebauer.
The speeds of coronal mass ejections in the solar wind at mid heliographic latitudes:
ULYSSES. Geophys. Res. Lett., 21:1109–1112, 1994.

[630] J. T. Gosling, D. J. McComas, J. L. Phillips, L. A. Weiss, V. J. Pizzo, B. E. Goldstein, and
R. J. Forsyth. A new class of forward-reverse shock pairs in the solar wind. Geophys. Res.
Lett., 21:2271–2274, 1994.

[631] R. J. Forsyth, A. Balogh, and E. J. Smith. Latitudinal variation of the underlying heliospheric
magnetic field direction: comparisons of the Ulysses first and second orbits. Space Sc. Rev.,
97:161–164, 2001.
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G. Tóth, and J. Luhmann. A Three-dimensional Model of the Solar Wind Incorporating
Solar Magnetogram Observations. Astrophys. J., 595:L57–L61, 2003.

[638] C. P. T. Groth, D. L. De Zeeuw, T. I. Gombosi, and K. G. Powell. Global three-dimensional
MHD simulation of a space weather event: CME formation, interplanetary propagation, and
interaction with the magnetosphere. J. Geophys. Res., 105(A11):25053–25078, 2000.

[639] W. B. Manchester, T. I. Gombosi, I. Roussev, D. L. De Zeeuw, I. V. Sokolov, K. G. Powell,
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